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Stellar atmospheres

WHAT IS A STELLAR ATMOSPHERE?
WHY SHOULD WE CARE ABOUT IT?
WHAT CAN WE LEARN FROM OBSERVATIONS?




i phlqron ;

What is a stellar
photo sphere?

|
- —the solar interior—

layers dravn to scale

corona

A Thin, tenuous transition zone between 00000008
(invisible) stellar interior and (essentially
vacuum) exterior.

" 5700K

A T h ephofosphered0 i s the visible | st
t h atmadsphered0 al so i ncludes cor,
winds. 029/di8 2 million K

A In contrast with the interior, where
convection may dominate, the energy
transport mechanism of the atmosphere is
radiation .

7 million K

A Stellar atmospheres are primarily

characterized by two parameters: (T4, |00 g).

ore
150 g/cn¥ 5.7 million K



What is a stellar \
photosphere?

—the solar interior—

layers dravm to scole

Thin zone between stellar interior and exterior: adooomes
DR, ,,=a few? 10’cm, M,,,,~2% 10?1 g=~10-1?M,

5700K

sun

Convective zone Prominenios \ 4 P

- Chromosphere 0.2 g/cm? 2 million K

Corona

5.7 million K

Granulation on surface ==
.

Copyright (C) 2005, by Fahad Sulehria, http:/fwww.novacelestia.com. All Rights Reserved



Stellar atmospheres: why should we
care?

photon

b
|

|
—the solar interior—

layers dravwn to scole

The optical depth t=1

I corona

about 2/3 of the light
is absorbed

0.0000002

g/cm? 5700 K




Stellar interiors are effectively invisible to external observers (apart for e.g.
astroseismology) so all the information we receive from stars originates from
their atmospheres. In particular, s pectral lines also originate in a stellar
atmosphere. Understanding how radiation interacts with matter affecting the
emergent line and continuous spectrum is at the heart of this course.

Knowledge of plasma physics (e.g. line broadening), atomic physics
(microscopic interaction between light and matter), radiative transfer
(macroscopic interaction between light and matter), thermodynamics  (LTE
vs non-LTE), hydrodynamics  (velocity fields) yields stellar properties,
chemical composition, outflow properties.

Inputs for stellar/galactic evolution and structure.



Recap: what can we learn from observations?
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Whai cannver e beafiofronserbsigonations?

Please re -read Lecture 1 .

Also, before the next class,

re-study Lectures4 1 6 (slides124 1 172)
VERY carefully.
We will be based on that material a lot.




WHad cannver e ben fio firohseybsitenations?
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Whiaicannveriebeafiofronsesbsevations?

Surface gravity and stellar abundances alsocome from spectra:
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Specirahl ihas
Impact of Spectral Resolution
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Pitinanrstatpearanieters (T,q, g 9)

Primary star parameters are effective temperature T, and surface
gravity log g, + chemical composition (metallicity):

+ Effective temperature (in K) is defined by L=4 pR?ST *

(here L - luminosity, R - stellar radius), related to ionization .
+ Surface gravity (cm/s?), g = GM/R?, related to pressure.

The Sun hasT _=5777K, log g=4.44 T its atmosphere is only a few
hundred km deep, <0.1% of the stellar radius.

- Ared giant haslog g~1 (extended atmosphere), whilst a white dwarf
haslog g~8 (effectively zero atmosphere), and neutron stars have
log g~14-15




Specitaal fhares

Morgan-Keenan (MK) classification scheme

ITOAAOO OOAO0O0 OEA O/ "1 Table 15.1. MK spectral classes.

classes using ratios of line strength. MK spectral class  Class characteristics

Only Bad Astronomers Forget Cenerally
Known Mnemonics

SRQmMP»wWO

Oh, Be A Fne Girl/ Guy, Kiss Me

Hot stars with He II absorption
He 1 absorption; H developing later

Very strong H, decreasing later; Call increasing
Call stronger; H weaker; metals developing

Cali strong; Fe and other metals strong; H weaker
Strong metallic lines; CH and CN bands developing
Very red; TiO bands developing strongly

Temperature (K)

O-types have the bluesB-V & highestT,&. gL L
OBA stars arezarly-type star, whilst cooler
stars arelate-type.

Strength ———=

Spectral classes are each subdivided into (up
to) ten divisions z e.g. O2 .. 09, BO, B1 .. B9
AOQ, Al .etc

8,000 6,000 5,000 4,000 3,000
T T

Spectral type




Luminosity Class classification

Luminosity class information is often added, based upon spectral line
widths:

Ia Most luminous supergiants
Ib Less luminous supergiants
I Luminous giant

IT1 Normal giants

\Y Subgiants

\% Main sequence stars (dwarfs)
VI Subdwarfs
VII White dwarfs

Dwarfs have high pressures (large line widths) and supergiants have
lower pressures (smaller line widths).



LuminiosyiGldSses enchhdniuoosinosity

Line pairs for spectral classification:

Class Line pairs for class Class Line pairs for luminosity
054 09 4471 He1/4541 He 1 09« B3 4116-21 (Si1v,He1)/4144 He 1
B0 < Bl 4552 Si 1m11/4089 Si1v B0 < B3 3995 N 11/4009 He 11
B2« B8 4128-30Sin/4121He1 Bl & A5  Balmer line wings
B8 <> A2 4471 He 1/4481 Mg 11 A3 & F0O  4416/4481 Mg 1l

4026 He 173934 Ca 11
A2 F5 4030-34Mn1/4128-32 FO & F8 41724226 Ca1l

4300 CH/4385
F24 K 4300 (G band)/4340 Hy F2 & K5  4045-63 Fe 114077 Sr 11
F5 <> G5 4045 Fe 114101 Hé 4226 Ca 1/4077 Sr 11

4226 Ca 1/4340 Hy G5 & M  Discontinuity near 4215
G5 ¢ KO 4144 Fe 174101 Hé K34 M  4215/4260, Ca 1 increasing
KO & K5 4226 Ca 1/4325

4290/4300




Conttinousisiengyrgisidiztirdbution

Stars share some properties of blackbodies

2.0 - " extraterrestrial solar spectral irradiance
total area: 1367 W/m?

© " blackbody spectrum for T = 5777 K
total area: 1367 W/m?

Spectral irradiance, W/(m? nm)

0 500 1000 1500 2000
Wavelength, nm




Blackbody radiation is continuous and isotropic whose intensity
varies only with wavelength and temperature.
Following empirical (Josef Stefan in 1879) and theoretical

(Ludwig Boltzmann in 1884) studies of black bodies, there is a
well-known relation between Flux and Temperature known as

StefanBoltzmann law:

F=s T4
with s=5.6705x10-° erg/cm?/s/K 4

(Note that Bohm-VitenseOA AZA OO O OA OO Ophl TAICE OAHI

7A xEI1 OAOOOT O OAEAEEAOAT Oc



+ From an observational point of view, we are generally more interested in the energy
flux or flux (Z;. L) andpthe flux density ( F,, ).
Flux density gives the power of the radiation I;{)er unit area and hence has
dimensions of erg s cm™ A (or erg s em™ Hz™).
Observed flux densities are usually extremely small and therefore (especially in
radio astronomy) flux densities are often expressed in units of the Jansky (.Jy),
where 1 Jy=10% erg s cm™ Hz.

+ You should be aware - and beware - that different authors define the terms flux
density, flux and intensity differently, and they are sometimes used
interchangeably!

+ We will often call flux density as just flux.

« Standard definition:
Flux describes any effect that appears to pass or travel through a surface or
substance. In transport é)henomena (radiative transfer, heat transfer, mass transfer,
fluid dynamics), flux is defined as the rate of flow of a property per unit area, which
has the dimensions [quantity]<[time] ! x[area] .

o For example, the magnitude of a river's current, i.e. the amount of water that flows
through a cross-section of the river each second is a kind of flux.

Flux (3)

Expressing d by means of 6 and ¢, dp=gin0d0dp
2r 4
F, = f’a cosfdw = f d(pf I, cos 8 sinf d6
0 0

If there is no azimuthal dependence for I, then
1

F, = fl,l cosfdw = an I; cos 6 sinf dO
0 In the plane-parallel or spherical case, we
do not find any dependence of I, on the
T longitude ¢
F,= —21rj I, cos 8 d (cos6)
0

Flux (2)

In radiative transfer, flux is related to the intensity

(“specific” is often omitted):

* Flux F, is a measure of the net energy flow across an area da, over a
time dt, in a dA. The only directional significance is whether the energy
crosses do from the top or from the bottom. Then we can write:

§ dEj o
The solid angle dw appears FZ, — ——————  Integrated over all directions.
for I; but not for F; dA do dt
substitute
‘rr'l = L
er, cos BdAdo dw dt
F,= jgllcosﬂdw g
cm? s

The amount of energy going through 1 cm?
per second per 1A into the solid angle do

Thus, flux F, is the projection of the specific intensity I, Eélael}:xmr:lct;g:lh::l:;d by the angle ¢ to

in the radial direction (integrated over all solid angles)

Meaning of flux:

Radiation flux = netto energy going through area
Decomposition into two half-spaces:

T 1
F=—2nJ’l,1c059d(c059)=27rJ’I(u)ydu u=cos 6
0 -1

S i 0
21rf0 l(u)udu+21rf I(w) pdp
-1

i I 1
=2nf I(u)udu—an I~udu= F* —F
0 0

Netto = Outwards - Inwards

Special cases: at the surface of a star /7~ = 0, so that /= F*
at the centre of a star, isotropic radiation field: /=0




Megpiiitdalecedale

In practice, we often (historically ) measure flux densities F (erg cm?s)
from astronomical objects via a logarithmic magnitude scale (like the
eye and most other human senses).

See the course NObservational Ast
(lecture 10), here we discuss it shortly.

m,T my=-2.5log(F,/F,)
In the Vega system, the starVega (AOV) defines the photometric
Nzer o npatalhwavelengths (U=B=V=R=1=0.0 mag etc).

Table 15.6. Flux calibration for an AO V star.
Symbol  Flux (ergem™2s~! A=1) g (um)

U 4.22 x 10~° 0.36
B 6.40 x 10~ 0.44
1% 3.75 x 10~2 0.55
R 1.75 x 10~2 0.71
I 84 x10~10 0.97



https://vitaly.neustroev.net/teaching/2025b/Observational_Astronomy_10.pdf

Stanodaardbordad-banddf fi¢ters
It ient t fl

Johnson/Bessell UBVRI Filters densities or magnitudes within
100 some certain frequency or
wavelength range. The total energy
measured is then the integral of the
source flux times some frequency
dependent effective filter response.
This last quantity includes all the
factors that modify the energy
arriving at the
atmosphere.

80 U

1]
[=]

%% Transmittance
.

[t}
(=1

300 400 A00 G600 Tao 800 200 1000 1100 1200
Wavele ﬁgﬂ‘l {I'IIT'I} 2002 Andower Corporation

U filter (P/N JOHN-U-XX) m= —2.5log j FEW(v)dv+ constant
B filter (P/N JOHN-B-XX) 0

V filter (P/N JOHN-V-XX) )
R filter (P/N JOHN-R-XX) F,1 astar SED

——— Ifilter  (P/N JOHN-I-XX) W(n) 1 a filter passband




Colmuraaikex

We can define aolour index as the difference between filters

relative to Vega e.g.Bg V= my ¢ my, such that stars bluer
than AO have a negative B/ colour and stars redder than

Vega have a positiveolour e.g. (BV)¢,~=10.65 mag.

J-E-wﬂ( v)ydv
TEW, (v)dv

- B—V= —2.5Iog( )+0.710

TEW, (v)dv
JEW,(v)dv

U—B= —2.510g( ) — 1.093.

log Teff (K)

g i e.g., for T +<10000K:

OB :,AF_; e o T = 7090 P
“(B-V)+0.71




Mayecoomagigniiesdes

- We define the absolute (visual) magnitude (N)) as the apparent (visual)
magnitude of a star of ny lying at a distance of d=10pc:M,~m, (10 pc).
BecauseF a?

M,-m,~ -2.5 log[F(10pc)/F( d)] = -5log(d/ 10 pc)=5 -5 log(d/ pc)
For the Sun @=4.85210° pc), m,=-26.75 and M~=+4.82 mag.
4 E Mistédhce modulu®d M,-m,=31.57 mag

Because interstellar medium is not completely transparent, we write
Myzmy=5 Z5 log(dpc) Z A,

The A, term is due to interstellar extinction.

Visually, A~ 3.1 E(B-V) for most sight lines.

E(B-V)=B-VZz(B-V),, I.e. the difference between the observed and
intrinsic B-V colour.




Iheestetia] oxihxaioction

Extinction is MUCH higher at shorter wavelengths, so IR observations of
e.g. Milky Way disk probe much further. The extinction to the Galactic
Centre (d=8kpc) is approx A,,=30 mag (5500A) versus A,=3 mag (2nmm).

Wavelength (A)
8000 5000 3000 2000 1500 1215
1 1 T | 1 4 PR
7 -
// o
SMC - ,’ & 5
2r  LMC L . ;
Milky Way =~ === > d N : 5 \
mean GRB ‘ d gl
¢ 15F GRBO70802 — 3 <ent i -
§ GRB080607 == s ¥
& o Ve ‘/ am - _ -
<(") ‘_¢_.§” “"‘_ 'y am =® A1200A—10XE(B V)
= 1 |
<
0.5 i
A,~=3.1xXE(B-V)
. )
1 1 1 1 1 1 1

/ 1 2 3 4 5 6 7 8 9

A=0.3xE(B-V) Inverse wavelength (1/um)




V-band ( 5508

l-band (9000

VRI-composite
of highly reddened
cluster Wdl (Eg.,~4)



BolbvmttedBdux

The bolometric flux (erg cmr? s1) from a star received at the top of the
Earthodés atmosphere 1 s the I ntegra
frequency n or a wavelengthl ) over all frequencies or wavelengths:

Fy, =] Fdv=] Fda

The luminosity (erg/s) is the bolometric flux from the star integrated
over a full sphere (at distance d):

L =4nd*F,

Since the Earthoés atmosphere 1 s o0
one cannot always directly measure the bolometric flux.




One can calculate bolometric corrections (BC), primarily from
atmospheric models to correct measured fluxes (usually in the
V band) for the total (bolometric) flux. Usually expressed in
magnitudes:

BC=M,,zM, with M, =4.74 7 2.5 log(L/ Lg)

BC=-0.08 magfor the Sun is a small correction since it emits
most radiation in the visual. Hot OB stars have very negative
"#6O0Oh OET AA 1100 1T &£ OEA 1 AOC
stars with most energy emitted in the IR.



BC callbhatitions

Bolometric corrections can be

estimated from intrinsic colours ( B-V), N
as shown here for dwarfs: M |
-3.0 - . o B

45 T T T T T T T T T éﬂ_z_s L & 4

-4.0 E B gt OB AF M

2 .

5.5 .. 7 -1.5 [ | |

" 2T -' “Lo . s
E -2.5 [ i N _s5k g -
% =0T . . N | 9& 7 4I6 4I5 4I4 4'3 4'2 4I1 4I0 - :9-.3'-8 3I7 als 3.5
syl - . . . ' . | . l.og Téff (K) ’ . ' . ’

Ol " s gamnm’ ; ; . ; ; |

52 o & 4 6 & 1o 1z 11 1is Or from the Spectral Type, using
a Tz T Spectral Type calibration.
See the next slide...




Ast r opddiyian) c a l

P ¢ besf bai
tapecietesi dfdvbain-SequanceeBam-s
Table 15.7. Calibration of MK spectral types.

Sp M(V) B-V U-B V-R R-I1 Tg BC
MAIN SEQUENCE, V

05 5.7 -0.33 —1.19 -0.15 =032 42000 -—-4.40
09 —4.5 -0.31 -1.12 -0.15 =032 34000 -3.33
BO —-4.0 -0.30 —1.08 -0.13 =029 30000 -3.16
B2 —2.45 -0.24 -0.84 -0.10 =022 20900 -235
BS5 —-1.2 -0.17 -0.58 -006 -=0.16 15200 —1.46
B8 -0.25 -0.11 -0.34 -002 -0.10 11400 -0.80
A0 +0.65 -0.02 -0.02 0.02 -0.02 9790 -0.30
A2 +1.3 +0.05 +0.05 0.08 0.01 9000 -0.20
AS +1.95 +0.15 +0.10 0.16 0.06 8180 -0.15
FO +2.7 +0.30 +0.03 0.30 0.17 7300 -0.09
F2 +3.6 +0.35 0.00 0.35 0.20 7000 -=0.11
F5 +3.5 +0.44 -0.02 0.40 0.24 6650 —0.14
F8 +4.0 +0.52 +0.02 047 0.29 6250 —0.16
GO +4.4 +0.58  +0.06 0.50 0.31 5940 -0.18
G2 +4.7 +0.63 +0.12 0.53 0.33 5790 -0.20
G5 +5.1 +0.68 +0.20 0.54 0.35 5560 -—0.21
G8 +5.5 +0.74 +0.30 0.58 0.38 5310 -0.40
KO +5.9 +0.81 +0.45 0.64 0.42 5150 -0.31
K2 +6.4 +0.91 +0.64 0.74 048 4830 —0.42
K5 +7.35 +1.15 +1.08 0.99 0.63 4410 -0.72
MO +8.8 +1.40 +1.22 1.28 0.91 3840 —1.38
M2 +99 +1.49 +1.18 1.50 1.19 3520 -—1.89
M5 4123 +1.64 +1.24 1.80 1.67 3170 -2.73

From Al |l enos

QL

| -




Solxkeeaapsoblbhem

A BOV star in the LMC (distance 50kpc) has
V=13.0 mag, BV=-0.20 mag.

What is its bolometric luminosity, relative to the Sun?




Prapecieies! dfdintePhirak law
For increasing temperatures,

the black body intensity T T
Increases for all wavelengths.
The maximum in the energy -
distribution shifts to shorter

| (longer n) for higher
temperatures.

| o T =2.98978 x10 BK
is7TEAT 60 AEODPI AA
for the maximum / providing

6E+11 |-

rgy density / kJ/m3 nm

4E+11 |-

Spectral ene

an _est_imate of the peak e e 2w
emISSIOn (I max :5175 Bfor Wavelength / nm
the Sun).




Rayibigfh-Jeanssandd/ Weéreappppaorionstions

(small frequencies v <<v )

At long wavelengths A >> A
the Planck formulae

2hv? 1

2he? 1
B T — —
v( ) Ci—l ehwkT _1 BJL(T)

5 he ! AET
A e —1

can be approximated by the Rayleigh-Jeans law

2

B,(T) =2 kT, B,(T)=2ckT X"
C

At short wavelengths A < A, (large frequenciesv 2 v ),

the Wien law is a good approximation

hv? -2 he? -2£
B,(T)=2 = e M, BA(T)HZ?E AKT




Collwr andlbsigigtheas ssropaipieratures

Define brightness temperature as 1, =B, (1))

In radio band we get

I, =22 kT, ,sothat T, =——

c” 2vk

Colour temperature T_ is obtained by “fitting”
the observed spectrum with the Planck
function ignoring normalization. It gives

correctly the temperature of the black body

source of unknown absolute scale of the
iIntensity.

[, for hv << kT




Ancesians lbbkdbobedres?

(e.g. UV -optical spectrophotometry of Vega)
H

7 BB=9400K \ Vega (AQV)

Kuruecz ATLASS

Flux / 107°

Teff=9400K logg=3.95

Wavelength / 103

Not really




Starssddaldffénofirdiadslaedidsodies

The observed flux 16000 K
distributions of real stars |
deviate from black body
curves, as indicated here
for the UBV colors of
dwarfs and supergiants.
This difference is due to
sources of continuous
and line opacity in the
stellar photospheres and
will be discussed later in ~03 0 05 1.0
this course.




Starsstdaldffférofir dtadslaetidsodies

7 BB=9400K Vega (A0V) g

Kuruez ATLASQ

\ Teff=9400K logg=3.95 .

Wavelength / 10°

-0.5 0.0 0.5 1.0 1.5 2.0




Radiative transfer Il

RADIATIVE TRANSFER EQUATION IN
PLANE-PARALLEL ATMOSPHERE.
LIMB DARKENING.




Solar limb darkening




Tiznsifek faptatibon HvarStars

From lecture 6 (slide F167):

I
The plane -parallel transfer equation ()
(for stars with thin photospheres) : I

The cos(g) term is because the optical depth is ;
measured along the radial directiorx and not dx s
along the line of sighti.e d¢,=k, r dx

1]
X +dx &

to center
of star

,
¥ ]

We are looking from the outside inalong direction x




Sunféaed Tmbsiygity

To derive the intensity at thesurface, we can multiply the planeparallel

transfer equation by an integrating factore/cos d=et, =y cosq
Q0 —, . . “
— Q O0—Q YQ
Qo
This can be written as 00 —0 )
— YQ
Qo

Integrating du from 0 to Iinfinity

‘0—0Q Y 1T Q Q6
'O h— YT Q Q6




Linblsldekeloinging

Let us assume a linear source function: Y T W wt

We then derive: Q1) Y(t)Q Q6 ODQ D Ot Q Q6
Recallu=¢/cos(g), sof=ucos(@)and Omh— & Q Q6 OAT-O 6Q Q6
Using the standard integral 6 Q Qo6 £A

weobtan  OThH— O OOEL YT Déd

Thus, in the linear approximation for the Source function, the optical depth lies
between 0 and 1. From the centre of the star we see radiation leaving the star
perpendicular to the surface:l, (0,0 )=a, +b,, whilst at the limb the starlight leaves
the surface at an anglé (0,90 )=3,.

Limb darkening (less light from the limb versus the centreif b, >0).




Solardibninbadikatitesing

This optical image of the Sun
clearly shows limb darkening.
We see into the atmosphere
down to a depth of7 =1.

Limb darkening exists because
the continuum source function
decreases outward:

YT of,

both a, and b, >0.

As we look towards the limb, we
see higherphotosphericlayers,
which are less bright.

42




Schemaditi ofdfniindbrdarkgning

Schematic illustration of limb darkeningz penetration of different lines of sight
i OEEAE 1 ETAGq O01 OOTEO 1 POEAAIT AADPOEO
depths in the photosphere, depending om. Radiation seen aty, is characteristic

of higher (cooler) layers than the radiation seen at positiomny,

=» TO observer




Lineearv s QQadidia tausomittcfionction

Up to now we assumed a linear source function. More generally, if:
Y T w T

Then
O h— o Al & O & 6 Q Q6 & ¢

We still getS (0) at the limb, but a more complicated result at the centre.
For example, a quadratic term requires the solution of
YT W w1t wt
Omfi— & & Ai-0 ¢ Al &
At g=90 , ¢, =0, whilst at g=0 , {, ~1+2a,,/a,, providing a, << &,
The ratio of the limb-to-centre intensity is

¥y h TTY AT s dFy Fy Fy
-




Exampid ¢dlov@lfasse:

The measured centre to limb variation of the solar intensity is

Om—Fonmm & & A0 ¢d Al &

| (mm) ay a, 2a,

0.3 0.06 0.74 0.20

0.4 0.14 0.91 -0.05
0.6 0.35 0.88 -0.23
0.8 0.49 0.73 -0.22
1.5 0.56 0.64 -0.20

2.0 0.70 0.48 -0.18

(Table 4.17, AQ # edition)




WavatdagittHhapepdankance
Limb darkening is observed to be

greatest atshorter wavelengths inthe
Sun.Thetemperature distribution of
the upper atmosphereof the Suncan
be obtainedfrom limb darkening

0.9

0.8

measurements carried out via e.g. L =
multi -filter images of the Solar L
continuum (between the lines). 05
Until recently, the Sun was the only 0
star for which limb darkening was | s Dt P T P
observed, since one needs tepatially PR, W Ay B I B, R A0
resolve the disc(most other stars A A

appear as point sources!) to measure (Pierce & Waddell 1961).

limb darkening.

Centre Limb

Other methods are now possible.




Linnhbld dekeloengi iy Hvreptdi@ns stars

Direct interferometryh  OEA EECE ODAOEAdg. OAO]
ESO/VLT interferometry or COAST array, providing a star Is very large
and nearby (a cool supergiant).

The light curve due to thegravitational micro-lensing of a background
(generally Galactic bulge oMagellanicCloud) star by a foreground
source (e.g. PLANET team).

The light curve froman eclipsing binary system during secondary
eclipseallows us to study limb darkening of the primary, although non
trivial! Similar approach followed by extra solar planets occulting
parent star (e.g. HD209458).




COAST (Cambridge Optical Aperture Synthesis Telescope) spatial resolution
of 20-30 milli-arcsec) has made limb darkening observations of
M supergiant Betelgeuse at different wavelengths (using filters).

0.1 arcsec

/000A 9050A 12900A



ESQO's Very Large Telescope
Interferometer (VLTI) is possible

to achieve a resolution of 0.001
arcsec or even less. It has resolved
the disc of the cepheid L Carinae.




Libnsksl dekeloingi frgrfroinr otdiesiobensing
Galactic gravitational micro

lensing occurs when a foreground
object (Ilens) passes in front of a
background star (source).The
gravitational deflection of light by
the lens causes the flux from the
source to be amplified.

Microlensing surveys (e.g.
PLANET, MACHO) have identified

n
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L Uniformly Bright 4L
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Normalized Surface Brightness
(=]
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hundreds of such events towards 5" 05 04 06 08 10 02 04 08 08 I
the Galactic bulge andvagellanic Normalized Source Radius R
Clouds.

Thick lines show how much fainter the
K giant becomes at its edges in the red
| (left) and blue-green V filter (right).

If the star emitted a uniform amount

of light across its whole stellar disk,

the profile would look like the straight
solid black line instead

One such event, MACHO BLG
28 was studied to reveal limb
darkening information for the
background K giant Albrow et al.
1999).




Linnbls dekelonui frgrfirechpeclgpsiisignsstems

1.000 [~ immirramtmizmra R —|

HD209458 is the first system in g DE0E f ]
which extra-solar planet (P=3.5d, :
0.6M) has been observed to

o
©
©
o
I
|

transit its (F8V) primary, allowing oonst S '_ﬁ,«"
determination of limb darkening e
(Brown et al. 2001). S O

More generally eclipsing binaries
are problematic due to degeneracy
with other parameters (Grygaret
al. 1972). Accurate light curves
needed for linear limb darkening
parameters.




Linnblsl dekehomoiey i@t séaté state

1.000 [osrpminmire > e

Stars appear darker at their limbs than at

their disk centers because at the limb we are i . f ]
viewing the higher and cooler layers of stellar 0.995 : ]
photospheres. - \ : ]

0.990 : ; =

relative flux

Limb darkening derived from state-of-the-art i
stellar atmosphere models systematicallyails consl % i
to reproduce recent transiting exoplanet light bt o P

curves from the Kepler, TESS, and JWST s
telescopesz stellar brightness obtained from -0.10  -005 000 005 0.0
measurements dropsiesssteeply towards the fiene. . Renter of et days)

limb than predicted by models.

Possible explanation: magnetic fields on the
stellar surface are not taken into account:

Kostogryzet al. (2024,NatAst):

stellar atmosphere models computed with the
use of a 3D radiative magnetdnydrodynamic
code show that smalscale concentration of
magnetic fields on the stellar surface affect
limb darkening at a level allowing the authors
to explain the observations.

contacts: 1




Eddington -Barbier relation

FORMAL SOLUTION TO THE PLANE-PARALLEL
TRANSFER EQUATION.

EDDINGTON-BARBIER RELATION.
GREY ATMOSPHERE.




FormahSSolietitmRERIE (1)

]
The plane -parallel transfer equation “Hi P If’ P If P _”
(for stars with thin photospheres) -V)I' !
The integrated form of the RTE is
[See D. Gray (page 12729, 131) for more detail]:
‘at) "Y(0)Q O A-AD

Here, the integration limit c ( which complicates the integra), replaces 'Q(0) in
the parallel-ray transfer equation (Lecture 5, slide 1149):

oAt) . oY)l )™ +00Q

This is because the boundary conditions are different for radiation going irf £90J) and coming out ( <90J) A




Forrmah$SlioticnRGREE (2)

The full intensity at the position 7, on the line of sight through the photosphere is

1,(r,)=Ig"(r,) + () |
)= L) L, v =0 outer
— f S e mn)selsech dr, boundary
— TvSve_(‘v_Tv)s’f"’@Secﬁ dr, =t inner
L =
boundary
An important special case occurs at the stellar surface In this case

_______________________________

7 ~ Ve Y — pe

OOA OB O 1 x This@dudtignAs@He Expréssion we need to compute the spectrum

However, since the discs of most stars are spatially unresolved, we must deal with
flux rather than intensity, sowe will not deal with this equation any further.




EmsrggonkHkux

From our lecture 6 (slide F161), the flux is [if there is no azimuthal (f ) dependence inl, ]:

o ¢ O *'d /1¥COS

Netto = Outwards z Inwards.

Decomposition into two halfspaces:

0 ¢ O)yd ¢ O d




Eddligiston-Bandkder ikition

Special caseat the surface of a star- =0, so thatF= F*

om ¢ o' Q

From earlier, assuming dinear source function Y T “» ot vyields
Omh— © OwéEdE O O
)T OEEO AAO~AddndonBA:AEltoOEA 6

on “®O ¢gow “YT cfo

The emergent flux from the stellar surface i times
the Source function at an optical depth a2/3




Guayyaitmspipdieé)(1)
If we assumelLocal TE (LTE) then

on “YT ¢lo “0 YT clo

Let us assume the opacity isxdependentof | , i.e.4 = k. We call such al{ypothetical)
atmosphere agrey atmosphere . Then

Oon “0 YT cfo

The energy distribution of /4 is that of a blackbody corresponding to the temperature at
the optical depth#=2/3 .

The black body intensity is defined (following discovery by Max Planck in 1900) as either

"~ ’D
G Q p or 5 oy 2P
_Qr o w QF o

0 Y

where ¢=2.99x101° cm, h=6.57x20?" erg s, k=1.38x10%erg/s.
, AOBO Ai i pOOA OEA "1T111 AOOEA &




BolbomatiafeflakRiddklBolyBody

. 60 P
0 Y T a7 P
5 T
i dv c o
Note that: 1 B, (T)dv =B,(I"dA = B, =B, — =B, —
! dal
Let us compute the bolometric flux:
T T2me 1 Zh['kf']““ X Zh['kr]“:r“ .
F=rx|B (TYv=nr dv=rx dx=m =c.,T
J; 'I.-’( ki _l[ c? E.&VH:T_]- CZ . _!ex_l CZ h 15 Sk
Tk 5 2 1 -4
USB=ZW=S.67 10~ ergem™s™ K™ — Stefan-Boltzmann constant

an (T) 3 2h2V4 ehvfﬂ"

Planck function is monotonic with temperature: =
aT T kT? (e.ln-fk?" _1)

>0

2

0 .Y




Giayyaiimspipdiexe)(2)
If we assumelLocal TE (LTE) then

on “YT ¢lo “0 YT clo

Let us assume the opacity isxdependentof | , i.e.4 = k. We call such al{ypothetical)
atmosphere agrey atmosphere Then

Oon “0 YT cfo

The energy distribution of /4 is that of a blackbody corresponding to the temperature at
the optical depth#=2/3 .

Thus, integrating overl

om OomnQ_ - o (Yt c¢fo]Q_ ,°Y T clo
From Stef_antItzmannN,F(O): s T.«*, by definition, we find 7 4= 7:(1‘ =2/3) .
4EA OOOOEAAASG 1T £ A ODAWNefixtiars & Bot dEtheQendpi B
of the atmosphere (wheret =0), but lies deeper down, att =2/3 .

This can be considered as aaveragepoint of origin from the observed photons




. Solution to planeparallel transfer equation at surface
explains limb darkening in Sun.

. Limb darkening in other stars can be estimated from
iInterferometry, eclipsing binaries, microlensing.

. Eddington-Barbier relation.

. Grey atmosphere.

-1 OOOI ET ¢C A COAU AOI T OPEAOA
star, which has temperatureT _; (by definition) is not at the

very top of the atmosphere (wheref =0), but lies deeper
down, at/ = 2/3.

A 4

h



Radiative Equilibrium

O

GREY ATMOSPHERE
THERMAL (RADIATIVE) EQUILIBRIUM
THE DEPTH DEPENDENCE OF THE SOURCE FUNCTION
EDDINGTON APPROXIMATION
TEMPERATURE STRUCTURE OF THE GREY ATMOSPHERE




Giayyaiimsppdiere

A Above weassumed that the opacity can be independent of
l.e. kK, =k. We call such a (hypotheticalyrey atmosphere

A In the theory of stellar atmospheres, much of the technical
effort goes into iteration schemes using equations of radiative
equilibrium (which we will discuss today) to find the source
function §.

A Often, a starting point for such iterations is thejrey case.




Thayrmah{r §oadieieqdiéguiilibrium

In stellar atmospheres radiation dominates transfer of energy so we can discuss
(three) conditions of radiative equilibrium, which can be used to derive the
temperature structure in the photosphere.

The radiation we see from the Sun comes from a layer of geometrical height of a
few hundred km.

In a column of 100 km height and 1 cicross-section there are 164 particles
(sincen~10'"/cm?3in Sun), each of which has a thermal energy 8kT/2
(10-12 erg). The total thermal energy of this column is therefore 18 erg/cm?.
The observed radiative energy loss (per cA) of the solar surface is

Fg =6.3x10%° erg cm?sL.

If the Sun shines at a constant rate, the energy content of the solar photosphere
can only last for 15 seconds without being replenished from below.

Exactly the same amount of energy must be supplied or else the photosphere
would quickly change temperature




Fist equaiitiont iefatdea¢neieguilibrium

Since this doesot happen,d /A d7=0 or dAd x=0 or dAd ¢ =0, i.e.the total flux
must be constant at all depths of the photosphergconservation of energy z
the 1stequation of radiative equilibrium

Qo) qm wé & i ,0Y
When all the energy is carried by radiation, we have

"qw) O(t ) Om

Although the shape off can be expected to change very significantly with depth,
its integral remains invariant.

If other sources of energy transport are significant, then a more general
expression of flux constancy must be applied:

3 (@) O(t )L On

F (x) is, for example, the convective flux




Radlidivive qujlitifiibeium

We may integrate the planeparallel transfer equation over solid anglew.

~N - D'O T h ) Y/ "l ) [3N )
Al O— Q] Ot h—Q Y T Q]
Qf
’Q no(_l_ ) 13 7 (_1_ ) “Y _1_ ,Q
of tv 7
Based on the definition of mean intensity and flux:

0 Tﬂ ‘001 AT KO O |-

Finally, assumingS to be isotropic we obtain,
p Q




Seconctdegyateivel odoraidiatige ldyuihibrium

In the grey case, for which the opacitys is independent of wavelength

F‘ﬁTOT Yt Vi) Tt

SincedF/d ¢t =0, the Source function must be equal the mean intensity
If the atmosphere isnot grey, which is thesituation for moststarsh 1 AO6 O ET AT OP

opacity kinto the RHS, and integrating over wavelength
p Q
T

Qt )’Q] Y 1o Q_ m t I Qi

SincedF/ds =0, we get theradiative balance equation (energy conservation)

I YQ_ I 0 Q_

This isthe second equation of radiative equilibriumand can be understood as th&tal energy
absorbed(RHS) must equal theiotal energy re-emitted (LHS) if no heating or cooling is
taking place.




Thiid® euaiioti oh raflisaidéatipdibuilibrium

The third radiative equilibrium condition is obtained by multiplying the transfer
equation by cogy and integrating over solid angle and then wavelength

Ai-62— o0_ v
r -
... .0t h— L L 5
A g;rr Q  ARi-GxtfiyQ  AT-Ov( Y0

N\ ©

o f %, ‘OAT 6Q 'O OAT-an O (g is isotropic)

~. |

T " w Q "0Q Of
ar - - N ,

q|o
Qo
s

The third radiative equilibrium condition: |




Equeitonsfoficadvetége éguiibibrium

All the three radiative equilibrium conditions are not independent.
S that is a solution of one will be the solution of all three.

The flux constant~(0) is often expressed in terms of an effective
temperature '@m) ,°Y 8

When model photospheres are constructed using flux constancy as a
condition to be fulfilled by the model,the effective temperature becomes
one of the fundamental parameter€haracterizing the model.

In real stars, energy is created or lost from the radiation field through e.qg.
convection, magnetic fields,

plus in supernovae atm_ospheres energy conservatios not valid
(radioactive decay of Ni to Fe), _ _ _
sothe energy constraints are more complicatedh reality.




Recap :Hoggataisiod straidin g | dguihibrium

The 1stequation of radiative equilibrium:

o) qm wé &i FY
i.e.the total flux must be constant at all depths of the photosphergonservation of energy:
dAd t=0 ordAd x=0 ordAd ¢ =0

The 29 equation of radiative equilibrium:;
the total energy absorbed(RHS) must equal theotal energy re-emitted (LHS) if no heating or cooling is

taking place:
I "YQ _ I 0Q_
The 3" radiative equilibrium condition:
Q) Ot
—Q_ ——
(0 I |

All the three radiative equilibrium conditions are not independent.
S that is a solution of one will be the solution of all three.




The: dbpitld elsgneredem oé 10 € Hoeledvoetfamction

In agrey atmosphere, witho T 0 'Q_ the 39 equation implies:
a new unknown functionK(t) Quft "Of
QT T "
We can differentiate this, and insert our earlier result:
Qu t Qc | .
, P22 0t YE o [1]
Qf T Qf
Integration of the equation with respect tos gives K(t)=c,t+c, [2]

where dK/d £ = ¢, =F/4p

For a givenF, we now have two equationsj1] and[2], to determine the three
unknowns: J Sand K (or ¢,). We need an additional relation between two of these
variables in order to determine all three.




Eddligigio appppaoetiom{ion (1)

Previously we have seen thator the determination of the fluxthe anisotropy in
the radiation field is very important because in the flux integral the inwaregoing
intensities are subtracted from the outwardgoing ones, due to the factorcosg.

But for K, a small anisotropy is unimportant because the intensities are multiplied
by the factorcos’g, which doesnot change sign for inward and outward radiation.

To evaluateK or c,, we canapproximate the radiation field by an isotropic
radiation field of t%e mean intensityJ | = J(by definition). From the definition of
K, we obtain «

tro O AT 601 o) Al OO %o t

or after division by 4p, dw= sind db da
ot 2ot
o)

This approximation for the K-function is known as
the Eddington approximation




Eddligigto appppsroetiom{Zpn (2)

. . . . . - ’Q e ”n
Inserting the Eddington approximation into the above equation ,U f OT“
we find Qf 1

Quf pQOf Ot . Qi 0.,
QT o QfF T"“ Qt T ¢

Since the mean intensityJequals the source functiorSin a grey atmosphere,
integrating the latter result we obtain Y gm 0é € i

. o, . v
Yt F‘T@[ 0O ot

From the conditions of radiative equilibrium, we finally obtainedthe law for the
depth dependence of the source function (for a grey atmosphere assuming
the Eddington approximation ). We can evaluaté&_using boundary condition for
the known emerging flux there is no flux going into the star)plus we assume the
outward intensity does not depend upong:




Eddligigto appppeoeiionson (3)

Boundary condition: there is no flux going into the star,
l.e.1 (0,g) =1k=0for p/2 < g<p
We also assume that the outward intensity does not depend upan
l.e.1 (0,g)=1*=constfor 0 <q<p/2
p

/ 0 i ‘o1 Al Ao OA T -am dw = siné dé dd

9 o ,
oF— Yt —t@& 8 ot

HenceC=10)= F(0)/2 pso: © / -

Yt ESI’r P on :“
“ 1T q T Yt

It gives un

Yallye)
©

© —Om
C

h—+
Qln,n

@)

p=

To find the depth dependence of, we also need to assumeTE.




TempecatwraisirsbifwetarineJthe grey
atmospphiéere

In LTE, the source function is the Planck functios(t)=B (t)=sT %/ p

6t LYt —t 2om e . G |
p T ¢ o hYTT_TEOT[
Recall thatF(0)=sT *, by definiton, so .
K o, C., |
SVt oY e Y R o 2Ty
T o i . o :

We derived thetemperature dependence on optical depth
Note T (/ =2/3) = T4 as we obtained earlier, and*(/=0)=T_*/ 2

A complete solution of thegrey case, usingaccurateboundary conditions, without
Eddington approximation, leads to a solution only slightly different from this, usually
expressed as

Yt ZIE ATY

Hereg(t) is a slowly varying function (Hopf function), with
A pivo T® X att=01t0qg=0.710 atz=no.




Giayy TEemp@tate B¢ Stitueture

Comparison betweenT () in
the Solar atmosphere using the
. simplifying Eddington
assumption(solid) versus the
exact grey cas€dashed) using
the Hopf function, q(7):

Nt ™ pnmp oo

6000

5500

5000




Howr eebdistic ttithis?

@

How good an approximate is the 1w —— T
grey atmosphere? Next we must - /
look at the frequency dependence - '
of the sources of opacity. : ‘A

The greytemperature distribution
is shown here versus the
observed Solar temperature
distribution as a function of °
optical depth fatuv 1t T T BGray, $ 8 '
Table 9.2)

T (K) / 10°

Grey case

The poor match is because the - - ” - ’ '
opacity iswavelength dependent
as we shall see next lecture.




Summnanyy

- Three equations of radiative equilibriumcan be derived:
(a) constant flux with depth;
(b) energy absorbed equals energy emitted,
(c) the K-integral is linear in .

- From these, thegrey temperature distribution T(t) may be
derived, assuming:

(a) the Eddington approximation and
(b) LTE, in reasonable agreement with the exact case.

. On the next lecture, we will discuss LTE in more detalil.




Local Thermodynamic Equilibrium
(LTE)

O

MAXWELLIAN VELOCITY DISTRIBUTION
BOLTZMANN EQUATION
SAHA EQUATION




Thesrmeyhanaiefiqllkiuilib(TiEn (TE)

Interaction of radiation and matter is the most important
physical process in stellar atmospheres.

- To find |7 we need to know| and g (or k, and |,) T absorption
and emission coefficients.
- Tofind| and e, density 0, temperature T, and chemical

composition X are not enough. We need to know
distributions of atoms over levels and ionization states,

which depend on radiation .

In TE, 0, T, and X fully determine | and g.




Leoaal ITHhmeadydsmicrhiit Hguiihibrium

In Thermodynamic Equilibrium

1. All particles haveMaxwellian distribution in velocities
(with the same temperatureT ).

Atom populations follow Boltzmannlaw ( sameT).
lonization is described bySahaformula ( sameT).
Radiation intensity is given by thePlanckfunction ( sameT).

The principle of detailed equilibrium is valid (the number of direct
processes = number of inverse processes).

a kWb

In Local thermodynamic equilibrium (LTE)
1-3 are appliedlocally .

The radiation spectrum can in principle be very far from
Planck function.




LT

In the study of stellar atmospheres, the assumption of
Local Thermodynamic Equilibrium (LTE) is described by:

1. Electron and ion velocity distributions areMaxwellian.

Excitation equilibrium is given by Boltzmann equation
(introduced today).

3. lonization equilibrium is given by Sahaequation
(introduced today).

4. The source function isgiven by the Planckfunction

Vd Y ~ N [

Y O 6 Y ie+ EOAHAWEZED OO Y




IS ITHEavehdi dssssopigption?

- For LTE to be valid, the photon and particlenean free paths
need to be much smaller than the length scale over which these

temperature changes significantly.

- Radiation cannot play a role in defining atom populations and
lonization state. Collisions should dominate.

. Generally,when collisional processes dominate over radiative
processes in the excitation and ionization of atoms, the state of
the gas is close to LTE

- Consequently TE is a good assumption in stellar interiors,

but may break down in the atmosphere . If LTE is no longer
valid, all processes need to be calculated in detail viien-LTE.
This Is much more complicated, but needs to be considered in
some cases (see later in course).




MaeamHree & Binth
‘ In the Sun, the characteristic

G n = particle number density distance over which the

temperature varies (the

temperature scale height)

6 G G 6 is ~500km.

How does this scale

A = mean free path between collisions compare with the average
distance travelled by an

6 ,|, ____________________ atom before hitting
______________________________ another atom?

2r
------------- — .
T 6 - Two hydrogen atoms will
collide if their centres pass
within a radius of 2 Bohr

_ 2 :
0 = 7u(27)* Cross section radii (2a,) of each other. The
collision cross-section of the
G G H atom is
G S =p(2a,)=3.5x1016 cm?.

The mean free path between
collisions is1=1/( s n(H)).




Meamffeeeaiath inctbaiadglhetpipseysphere

G n = particle number density
The density of the Solar

G | photosphere isr = 2.5x107
G G 6 g/cm?3so the number of H

atoms/cm3 is
A = mean free path between collisions

n(H)=r/m,=1.5x10'" cm3
where m, is the mass of the
H atom.

6 .|. — G . Then the mean free path
oy between collisions is
<" — & <=1/( sn(H))=0.02 cm. i.e.
T 6 atoms are confined within a
limited volume of space in

_ 5 : G the photosphere at
O = 7t(2r)* cross section effectively fixed temperature

G (relative to the temperature
G G G scale height).

In the upper layers,s - 0,<-, radiation dominates over collisionsA out of LTE

-




Mean Free Path in the Sun

- —the solar interior—

layers dravwn to scale

Since the photosphere is the layer visible from

Earth, photons must be able to escape freely into
space. After ~1(*1 scatterings and re-emissions
(thousands years!) from the centre. 00000002
Calculate the time needed for a photon to escape! 7"

" 5700K

T T T T T j T j
— n=3 sclar polytrope 4
— — — = atandard solar medal 4

leg a (kg m~%)
zZ
T
1

- 1 0.2 g/cm? 2 million K

M/ Mg
0.5

lag P (Nm™2)

million K

e
o e

e
e
=
— wof = ]
o
9

150 g/ 5.7 million K




As the photons diffuse upward
through the stellar material, they
follow a haphazard path called a
random walk. Figure shows a
photon that undergoes a net vector
displacementd as the result of
making a large numbem of
randomly directed steps, each of
length | (=<, the mean free path).

It can be shown that for a random
walk, the displacementd is related
to the size of each step, by

Q /0.
This implies that the distance from
the centre of a star to the surface is

D=13 N
This is why the transport of energy

through a star by radiation may be
extremely inefficient .




