
Pre-main sequence star evolution
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The birth-line for pre-main sequence stars is usually taken as a transition from Class I to Class II 
(T Tauri stars).

At this stage, in addition to the radiation emitted by accreting material as it strikes the stellar 
surface, the star itself also radiates. However, since the protostar is initially not hot enough to 
burn hydrogen, it has no internal source of nuclear energy to balance out this radiation, and it is 
forced to contract on a Kelvin-Helmholtz timescale.

(It can burn deuterium, but this all gets used up on a timescale well under the KH timescale.)

This contracting state represents the “initial condition” 
for a calculation of stellar evolution. In terms of the 
(log T, log ρ) plane describing the centre of the star, 
we already know what this configuration looks like: 
the star lies somewhere on the low T, low ρ side of its 
mass track, and it moves toward the hydrogen burning
line on a KH timescale. 

We would also like to know what it looks like on the 
H-R diagram, since this is what we can actually observe. 
Therefore, we want to understand the movement of the 
star in the (log Teff, log L) plane.



Kelvin–Helmholtz Contraction
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There are two phases during this Kelvin–Helmholtz contraction:

 the Hayashi phase, and

 the Henyey phase. 

The overall timescale for the process is the Kelvin–Helmholtz timescale, as the time for a star to collapse to 
the main sequence assuming its luminosity is provided solely by energy liberated as a result of gravitational 
collapse.

Work by Chushiro Hayashi in the 1960s showed that a star cannot 
achieve hydrostatic equilibrium if its outer layers are too cool. 
Two important concepts in understanding Hayashi’s work are 
opacity and convection.

Hayashi showed that there is a boundary on the right-hand side of the 
H–R diagram cooler than which hydrostatic equilibrium is impossible, 
and hence stable stars cannot exist. It lies at an effective surface 
temperature of around Teff ≈ 3000 to 5000 K (depending on the star’s 
mass, chemical composition and luminosity).

Objects to the right of that boundary are out of hydrostatic equilibrium, 
and collapse rapidly until the surface temperature reaches the value 
corresponding to stability. The boundary is almost vertical in the H–R 
diagram, so collapsing protostars moves vertically along the path which 
is called a Hayashi track and enter the H–R diagram near that boundary.



Hayashi track (1)
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To figure this out, we can approximate the protostellar interior as a polytrope with   𝑃 = 𝐾𝑝𝜌1+
1

𝑛 , or

log 𝑃 = log 𝐾𝑝 +
𝑛 + 1

𝑛
log 𝜌

Recalling way back to the discussion of polytropes, the polytropic constant KP is related to the mass and radius 
of the star by
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Now consider the photosphere of the star, at radius R, where it radiates away its energy into space. 
If the density at the photosphere is ρR, then hydrostatic balance requires that
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Hayashi track (2)
324

𝑑𝑃

𝑑𝑟
= −𝜌𝑅

𝐺𝑀

𝑅2
 ⟹  𝑃𝑅 =

𝐺𝑀

𝑅2
න

𝑅

∞

𝜌𝑑𝑟

where PR is the pressure at the photosphere and we have assumed that GM/R2 is constant across the 
photosphere, which is a reasonable approximation since the photosphere is a very thin layer. 
The photosphere is the place where the optical depth drops to a value below 1 (we will soon learn that the 
“surface” of a star, which we “see”, and which has temperature Teff (by definition) lies at  =2/3). 

Thus, we know that at the photosphere

𝜏 = 𝜅 න
𝑅

∞

𝜌𝑑𝑟 ≈ 1

where we are also approximating that   is constant at the photosphere. Putting this together, we have

𝑃𝑅 =
𝐺𝑀

𝜅𝑅2
⟹ log 𝑃𝑅 = log 𝑀 − 2 log 𝑅 − log 𝜅 + constant

For simplicity we will approximate   as a power-law of the form 𝜅 = 𝜅0𝜌𝑇eff
𝑏 , where Teff  is the star’s effective 

temperature, i.e. the temperature at its photosphere:

log 𝑃𝑅 = log 𝑀 − 2 log 𝑅 − log 𝜌 − 𝑏 log 𝑇eff + constant

Finally, we know that the ideal gas law applies at the stellar photosphere, so we have

log 𝑃𝑅 = log 𝜌𝑅 + log 𝑇eff + constant

and we have the standard relationship between luminosity and temperature

log 𝐿 = 2 log 𝑅 + 4 log 𝑇eff + constant

𝑃 = 𝑁𝑘𝑇 =
𝜌
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Hayashi track (3)
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We now have four equations:

And the four unknowns log Teff, log L, log ρR, and log PR. 
Solving these equations (and skipping over the algebra), we obtain

log 𝐿 =
9 − 2𝑛 + 𝑏

2 − 𝑛
log 𝑇eff +

2𝑛 − 1

2 − 𝑛
log 𝑀 + constant

Thus, to figure out the slope of a young star’s track in the HR diagram, we need only specify n and b.

Stars at the Hayashi boundary are fully convective. The reason is easy to understand: 

1) First, the opacity of protostellar matter decreases with temperature, so cool objects have high opacity.

2) Second, high opacity leads to steep radiative temperature gradients, and 

3) Third, steep radiative temperature gradients lead to convective instability → (Slide 186) 

Putting these three things together, the coolest stars are more likely to be unstable to convection.
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log 𝑃𝑅 = log 𝑀 − 2 log 𝑅 − log 𝜌 − 𝑏 log 𝑇eff + constant

log 𝑃𝑅 = log 𝜌𝑅 + log 𝑇eff + constant

log 𝐿 = 2 log 𝑅 + 4 log 𝑇eff + constant



Hayashi track (4)
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Thus, protostars are fully convective, so n = 1.5.

Protostars are fully convective due to their high opacities, and they are initially quite cold, ~4000 K.

This makes their opacity very different from that of main-sequence stars. 

We will discuss opacities in detail in the following lectures, but now I just note that in main sequence 
stars like the Sun, the opacity is mostly free-free or, at high temperatures, electron scattering. 
At the low temperatures of protostars, however, there are too few free electrons for either of this to be 
significant, and instead the main opacity source is bound-bound. One species particularly dominates: 
H−, that is hydrogen with two electrons rather than one (we discussed it a lecture ago).

The H− opacity is very different than other opacities. It strongly increases with temperature, rather 
than decreases, because higher temperatures produce more free electrons via the ionization of metal 
atoms with low ionization potentials, which in turn can combine with hydrogen to make more H−. 

Once the temperature passes several thousand K, H− ions start falling apart and the opacity decreases 
again, but in the crucial temperature regime where protostars find themselves (4000 K), opacity 

increases extremely strongly with temperature: 𝜅𝐻− ∝ 𝜌𝑇4 is a reasonable approximation, giving b = 4.



Hayashi track (5)
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log 𝐿 =
9 − 2𝑛 + 𝑏

2 − 𝑛
log 𝑇eff +

2𝑛 − 1

2 − 𝑛
log 𝑀 + const

Thus, plugging in n=1.5 and b=4, we get 

log 𝐿 = 20 log 𝑇eff + 4 log 𝑀 + const

Thus, the slope is 20, extremely large. 
Stars in this phase of contraction make 
a nearly vertical track in the H–R 
diagram, the Hayashi track. 
Remember, Teff  and radius of a star R
are related by L = 4πR2σT4. Since the 
star’s temperature changes very little 
during this stage, the luminosity is 
proportional to the square of the radius.
As R is still decreasing due to contraction, 
the luminosity decreases significantly.
Stars of different masses have Hayashi 
tracks that are slightly offset from one 
another due to the 4 log M term, 
but they are all vertical. (a) H–R diagram with Hayashi track for the Sun. The red dots indicate 

elapsed times of 103, 104, 105, 106, 107, 108  and 109 years. 
(b) Evolution of radius and core temperature with time. 

(from Ryan & Norton)



The Henyey contraction
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Contraction along the Hayashi track ends once the star contracts and heats up enough for H− opacity not to 
dominate, so that b is no longer a large positive number. Once b becomes 0 or smaller, as the opacity changes 
over to other sources, the track flattens, and the star contracts toward the main sequence at roughly fixed 
luminosity but increasing temperature. 
This is known as a Heyney track.

As the protostar continues to contract, its core gets hotter and 
its opacity decreases, because for a Kramers opacity, κ∝ρT−3.5. 
As a result of the decreasing opacity, the radiative temperature 
gradient becomes shallower and the condition for convection 
eases. Eventually the core becomes non-convective (radiative).

It can be shown that during the Henyey contraction, 
the slope becomes close to 4/5 (almost flat).

Only stars with masses ~M⊙ or less have Hayashi phases, and 
only stars of mass M ≤ 0.5M⊙ reach the main sequence at the 
bottom of their Hayashi tracks.

More massive stars are “born” hot enough so that they are already 
too warm to be dominated by H−.



T H E  Z E R O - A G E  M A I N  S E Q U E N C E

S T E L L A R  E V O L U T I O N  F R O M  O B S E R V A T I O N S
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P O S T - M S  E V O L U T I O N  O F  H I G H - M A S S  S T A R S
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Stellar evolution



The Zero-Age Main Sequence
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 Kelvin–Helmholtz contraction continues until the central temperature becomes high 
enough for nuclear fusion reactions. Once the energy generated by hydrogen fusion 
compensates for the energy loss at the surface, the star stops contracting and settles on 
the zero-age main sequence (ZAMS) if its mass is above the hydrogen burning limit of 
~0.08 M⊙. 

 Because contraction is slowest when both R and L are small, the pre-main sequence 
lifetime is dominated by the final stages of contraction, when the star is already close to 
the ZAMS.

 Since the nuclear energy source is much more concentrated towards the centre than the 
gravitational energy released by overall contraction, the transition from contraction to 
hydrogen burning requires a rearrangement of the internal structure.

 When we look at a population of stars that are at many different ages, and thus at many 
random points in their lives, we expect the number of stars we see in a given population 
to be proportional to the fraction of its life that a star spends as a member of that 
population. Since the main sequence is the most heavily populated part of the H–R 
diagram and the hydrogen nuclear burning phase is the longest evolutionary phase, it 
seems natural to assume that main sequence stars are burning hydrogen.



The Main Sequence stars (1)
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Main-sequence stars obey several relations:

 Main sequence stars obey a mass-luminosity relation, with L ∝ Mη. The slope η changes slightly 
over the range of masses; between 1 and 10M⊙, η≈3.88. The relation flattens out at higher masses, 
due to the contribution of radiation pressure in the central core. This helps support the star, 
and decreases the central temperature slightly. The relation also flattens significantly at the very 
faint end of the luminosity function. This is due to the increasing important of convection for stellar 
structure.

 Main sequence stars obey a mass-radius relation. However, the relation displays a significant break 
around 1M⊙; R∝Mβ, with β ≈0.57 for M > 1M⊙, and β ≈ 0.8 for M < 1M⊙. This division marks the 
onset of a convective envelope. Convection tends to increase the flow of energy out of the star, 
which causes the star to contract slightly. As a result, stars with convective envelopes lie below the 
mass-radius relation for non-convective stars. This contraction also increases the central 
temperature (via the virial theorem) and also moves the star above the nominal mass-luminosity 
relation. 

 The depth of the convective envelope (in terms of Menv/M) increases with decreasing mass. Stars 
with M~1M⊙ have extremely thin convective envelopes, while stars with M < 0.3M⊙ are entirely 
convective. Nuclear burning ceases around 0.08M⊙.

 The interiors of stars are extremely hot (T > 106 K). The fall-off to surface temperatures (T~104 K) 
takes place in a very thin region near the surface.



Mass-Radius relation M-R and M-L relations
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Some Relations for the MS stars



The Main Sequence stars (2)
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Main-sequence stars obey several relations (cont):

 The region of nuclear energy generation is restricted to a very small mass range near the center of 
the star. The rapid fall-off of εn with radius reflects the extreme sensitivity of energy generation to 
temperature.

 Stars with masses below ~1M⊙ generate most of their energy via the proton-proton chain. Stars 
with more mass than this create most of their energy via the CNO cycle. This changeover causes a 
shift in the homology relations for the stellar interior.

 CNO burning exhibits an extreme temperature dependence. Consequently, those stars that are 
dominated by CNO fusion have very large values of L/4πr2 in the core. This results in a large value 

of ∇rad ≡
ⅆ ln 𝑇

ⅆ ln 𝑃
, and convective instability. In this region, convective energy transport is extremely 

efficient, and ∇ ≈ ∇ad.

 Because of the extreme temperature sensitivity of CNO burning, nuclear reactions in high mass 
stars are generally confined to a very small region, much smaller than the size of the convective 
core.

 As the stellar mass increases, so does the size of the convective core (due again to the large increase 
in εn with temperature). Supermassive stars with M ~100M⊙ would be entirely convective.

 A star’s position on the ZAMS depends on both its mass and its initial helium abundance. Stars with 
higher initial helium abundances have higher luminosities and effective temperatures. The higher 
mean molecular weight translates into lower core pressures. Helium rich stars therefore are more 
condensed, which (through the virial theorem) mean they have higher core temperatures and 
larger nuclear reaction rates.



Main-sequence lifetimes
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 Stars arrive at the main sequence chemically homogeneous 
because of convective mixing during the protostellar phase.

 The time of arrival on the main sequence is known as the 
ZAMS – zero-age main sequence.

 “Where” it ends up depends only on mass and chemical 
composition.

 Approximate MS lifetimes:   𝜏𝑀𝑆 ≈ 1010 𝑀/𝑀⊙
−2.5 yr

 Stars of all masses live on the main-sequence, but subsequent 
evolution differs enormously. 

 Most of stars form in clusters, open and globular. Because they 
born at same time, age of cluster will show on the H–R diagram 
as the upper end, or turn-off of the main-sequence.

 We can use this as a tool (clock) for measuring age of star clusters. Stars with lifetimes less 
than cluster age, have left main sequence. Stars with main-sequence lifetimes longer than 
age, still sit on the main-sequence.



Globular cluster Messier 55 H-R diagram

33
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Stellar Evolution from observations
335



Stellar 
Evolution from 
observations

Different globular 
clusters have different 
age, and accordingly 
different turn-off 
points.

33
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Stellar Evolution from observations
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 An interesting effect can be observed in 
young star clusters. 

 Recall, the time needed for a protostar to 
reach the ZAMS depends on its mass. 
This time is basically the Kelvin-
Helmholtz contraction timescale. Since 
contraction is slowest when both R and L 
are small, the pre-main sequence lifetime 
is dominated by the final stages of 
contraction, when the star is already 
close to the ZAMS. 

 An estimate of the PMS lifetime is  
𝜏𝑃𝑀𝑆 ≈ 107 𝑀/𝑀⊙

−2.5 yr

 Thus, massive protostars reach the ZAMS 
much earlier than lower-mass stars, and 
they can even leave the MS while low-
mass stars still lie above and to the right 
of it.
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Figure from Prialnik 



Pleiades, a young open star cluster 
33
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Massive protostars reach the ZAMS much earlier than lower-mass stars, and they can even leave 
the MS while low-mass stars still lie above and to the right of it.

Pleiades, a young open star cluster, ~108 yr:
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Tracks
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Stellar evolutionary tracks are trajectories 
of individual stars in the H-R  diagram, 
which trace the evolution of a given mass 
star as a function of time.

Consider stars of different masses but with 
the same age. Let’s make a plot of 
Log(L/L⊙) vs. Log Teff for an age of 1Gyr. 
The result is an isochrone.

Describe evolution of a single star with time.

Tables of stellar parameters as function of T: 
(luminosity, temperature, surface gravity; 
core temperature, core composition, current 
mass, etc, etc). 



Isochrones
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An isochrone: a curve which traces the 
properties of stars as a function of mass for a 
given age.
Don’t be confused with an evolutionary track 
which shows the properties of a star as a 
function of age for a fixed mass.
Isochrones are particularly useful for star 
clusters - all stars born at the same time with 
the same composition. 

The best way to check stellar evolutionary 
calculations is to compare calculated 
isochrones and an observed H-R diagram of a 
cluster. 

Important - think about what we are looking at 
when we observe a cluster. We see a “freeze-
frame” picture at a particular age. We see how 
stars of different masses have evolved up to 
that fixed age (this is not equivalent to an 
evolutionary track).

Meynet, Mermilliod, and Maeder, 1993



Convective regions on the ZAMS

Occurrence of convective regions 
(gray shading) on the ZAMS in 
terms of fractional mass 
coordinate m/M as a function of 
stellar mass, for detailed stellar 
models with a composition 
X = 0.70, Z = 0.02. 
The solid (red) lines show the 
mass shells inside which 50% 
and 90% of the total luminosity 
are produced. 
The dashed (blue) lines show the 
mass coordinate where the 
radius r is 25% and 50% of the 
stellar radius R. 

We can distinguish three types of 
ZAMS stars:
 completely convective, 

for M < 0.35M⊙

 radiative core + convective 
envelope, 
for 0.35 M⊙ < M < 1.2 M⊙

 convective core + radiative 
envelope, for M > 1.2 M⊙.
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(After Kippenhahn & Weigert)



Evolution During the Main Sequence

During the MS phase H is converted into He in the core. The 
temperature in the core can only change very little, because fusion is 
a strong function of T with ε~T 4 for P-P chain and ~T 18 for the CNO-
cycle. Even a small change in T would result in a large change in ε 
and in L, which is not allowed by the hydrostatic equilibrium 
requirement. So nuclear fusion acts like a thermostat in the center of 
the star. The CNO cycle is a better thermostat than the pp chain.

Even while on the main sequence, the composition of a star’s core is 
changing, thus μc increases.                                     a Sun-like star 
Recall, when Z is negligible: μ = 4/(3 + 5X)

For the solar abundance X=0.73, μ =0.6. 
When all H gets converted into He, we then have μ =1.3. It more than doubles! But

If Tc remains constant during the MS-phase but μc increases, 
then Pc/ρc ~ Tc/μc must decrease. So, either Pc decreases or 
ρc increases as more H is converted into He. It turns out that 
both effects occur. Actually, Tc is also slightly raising. 
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𝑃gas =
𝜌𝑘𝑇

𝜇𝑚𝑝
=

ℜ𝜌𝑇

𝜇



Stellar Evolution on the Main Sequence

 In Hydrostatic Equilibrium the 
central pressure is set by the 
weight of the layers above. 

 So, as the central pressure 
decreases during the MS phase 
the outer layers of the star must 
expand.

 So, when μ increases in the 
center the radius must increase.

 At the same time, the nuclear 
energy generation increases 
and then so does the luminosity 
(μ-effect).

 This causes a slow increase of 
the star's luminosity over the 
whole MS phase.

 Because R2 increases more than 
L, the effective temperature 
decreases. This implies that the 
stars move up and to the right 
in the HRD during H-fusion in 
the core.

343



Gradual change of the Sun’s parameters
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 How much has the solar luminosity 
changed over time? Calculations show 
that the Sun's ZAMS luminosity was 
about 25-30% less than it is today, which 
has/had implications for the Earth.

 Hence stars of a given mass but different 
ages populate the main-sequence with a 
width of ~0.5 dex [for decimal exponent]

From Christensen-Dalsgaard (2008)



Change of the Sun’s parameters
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Gradual change in size of the Sun
346

Now 30% brighter, 12% larger, 3% hotter



The main-sequence 
phase of the Sun

• 50% of mass is within radius 0.25R⊙

• Only 1% of total mass is in the convection zone and above
• Pressure increases steeply in the centre



Post-MS evolution through helium burning

After the main-sequence phase, stars are left with a hydrogen-exhausted core 
surrounded by a still hydrogen-rich envelope. To describe the evolution after the 
main sequence, it is useful to make a division based on the mass. Note that all masses 
are approximate, boundaries overlap depending on definition.

 Red dwarfs: stars whose main-sequence lifetime exceeds the present age of the 
Universe (estimated as 1-21010 yr). Models yield an upper mass limit of 0.7M⊙ of 
stars that must still be on main-sequence, even if they are as old as the Universe.

 Low-mass stars: stars in the region 0.7 ≤ M ≤ 2 M⊙ . After shedding considerable 
amount of mass, they will end their lives as white dwarfs and possibly planetary 
nebulae. We will follow the evolution of a 1M⊙ star in more detail.

 Intermediate mass stars: stars of mass 2 ≤ M ≤ 8-10 M⊙. Similar evolutionary 
paths to low-mass stars, but always at higher luminosity. 
Give planetary nebula and higher mass white dwarfs. 
Complex behaviour on the AGB (asymptotic giant branch).

 High mass (or massive) stars: M >8-10 M⊙. Distinctly different lifetimes and 
evolutionary paths, huge variation.
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