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A short introduction to the 
Interstellar Medium



Definition of the interstellar medium
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 The interstellar medium, or ISM, is the nearly-empty space inside our 
Galaxy in which all the objects we’ve studied thus far are embedded (note 
that there is also an intergalactic medium in the spaces between galaxies).

 The Milky Way (as well as other galaxies) is full of gas, dust, cosmic rays, 
and radiation. This forms a very complex medium, that often affects many 
processes involving stars and compact objects, as well as our observations 
of these objects.
 The radiation of the ISM is faint, and the bulk of photons are emitted in the 

radio and infrared wavelength regime.

 The ISM hosts only a few percent of the total mass of the galaxy.

 The composition of the ISM is continuously modified by the stellar evolution.

 The distribution and chemical composition of the ISM is also continuously 
modified by accretion of matter by the galaxy.

 Density and temperature variations within the ISM trigger the star formation 
rate of a galaxy.



History (1)
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In 17th-19th centuries, it 
was assumed that the 
vast space between the 
stars is completely empty 
(vacuum).

1610 - Discovery of the 
Orion Nebula (Nicolas 
Fabri de Peiresc) - 
“surprised to find a small 
illuminated cloud”. 

1656 - First detailed 
description of the Orion 
Nebula (Christian 
Huygens).



History (2)
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 1781 - Charles Messier compiled 
a catalogue of 103 objects:
 The majority clusters of stars

 galaxies (35)

 nebulae (11)

 1786-1802 – John Herschel discovered
2500 objects, later added 2200 objects:
 Many of these were dark clouds:

“here is truly a hole in Heaven”

 1888 - New General Catalog (NGC) by J.L. Dreyer 
was published (13,000 objects)



19th-century: Advent of spectroscopy
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Helped distinguish between stellar and gas content:

 1864: Sir William Huggins observed the Cat's Eye Nebula and found 
no continuous spectrum like that seen in the Sun, but just a few strong 
emission lines. 

 Two lines were first thought to be from 
nitrogen (hence the tag "N“).

 However, it appeared later that these 
lines did not correspond to any known 
elements on Earth. These lines were 
attributed to an anonymous element 
called Nebulium.

 1927: Ira Sprague Bowen showed that these lines belonged to forbidden 
transitions of oxygen [O III] at 5007 and 4959 Å.



Interstellar absorption lines
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 In the beginning of 20th century, in 1904, Johannes Hartmann using spectral 
analysis found 2 static lines of Ca II H&K in the spectra of the binary star  Orionis. 
Hartmann attributed these lines to interstellar medium (ISM). Doppler effect 
causes variations of stellar lines, but not of ISM absorption lines. 

 Why Ca (also Na) was observed, but not H or He lines? Most atoms in the ISM are on their 
ground state. They can absorb stellar radiation in resonance lines (strongest). Ca and Na 
have these lines in the optical band, while H and He have them in the ultraviolet (UV) 
band (Lyα 1216 Å and 586Å, respectively). Earth atmosphere absorbs radiation with 
λ<2900Å. In stellar spectra, of course, one observes H and He lines of excited states. 

 1933: Plasket & Pearce found a correlation between the Ca II absorption line 
strength and the stellar distance. 

 1937: the first interstellar molecules CH, CH+ and CN were discovered



Radioastronomy and HI 21-cm line
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 1944 - Hendrik van de Hulst predicts the 
existence of the Neutral Hydrogen 21-cm 
hyperfine spin-flip transition.

 1951: The 21 cm line was first detected 
by Harold “Doc” Ewen and Ed Purcell. 
Muller & Oort confirmed the detection.

More detail later



The neutral Hydrogen 21-cm line
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Cold H I emitting at 21-cm makes up most of the mass of the ISM gas in the 
Milky Way. Its observation represented a revolution.



Interstellar dust
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In 1930s it was shown that space is not 
transparent in continuum also. Absorption 
is strongest in the galactic plane. Reddening 
of the stellar light is observed. Dust!

Dust: graphite (C), Si, ice (H20). Size <1 μm.

Light becomes polarized as it goes through 
dust, since the elongated dust grains are 
aligned by interstellar magnetic field.

Spiral galaxy Messier 96

Sombrero Galaxy  



The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches



Horsehead 
Nebula 
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a dark nebula (also 
known as Barnard 33 in 
emission nebula IC 434)



The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches

 Reflection nebula - presence of hot stars (25000 K) the dust cloud may 
scatter the stellar radiation



The Pleiades, 
an open cluster
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Reflection nebulae 
around the brightest 
stars were once thought 
to be left over material 
from their formation. 
Now they are considered 
likely to be an unrelated 
dust cloud in the 
interstellar medium 
through which the stars 
are currently passing.



Why the reflection nebulae look like we see
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The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches

 Reflection nebula - presence of hot stars (25000 K) the dust cloud may 
scatter the stellar radiation

 HII region (or emission nebula) - nebula associated with very hot stars 
(Teff >25000 K), gas surrounding is photoionized



The HII region 
Sh 2-252
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The field is 
approximately 35′ × 30′.



The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches

 Reflection nebula - presence of hot stars (25000 K) the dust cloud may 
scatter the stellar radiation

 HII region (or emission nebula) - nebula associated with very hot stars 
(Teff >25000 K), gas surrounding is photoionised

 Planetary nebula - former atmosphere of a solar mass star, now a hot 
white dwarf



Cat's Eye Nebula
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a planetary nebula.



The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches

 Reflection nebula - presence of hot stars (25000 K) the dust cloud may 
scatter the stellar radiation

 HII region (or emission nebula) - nebula associated with very hot stars 
(Teff >25000 K), gas surrounding is photoionised

 Planetary nebula - former atmosphere of a solar mass star, now a hot 
white dwarf

 Supernova remnant - massive star’s death, bright gaseous nebula



Crab Nebula
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a supernova remnant 
and pulsar wind nebula.



The zoo of objects in the ISM
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 Dark clouds (molecular clouds) - not associated with bright stars, seen as 
black patches

 Reflection nebula - presence of hot stars (25000 K) the dust cloud may 
scatter the stellar radiation

 HII region (or emission nebula) - nebula associated with very hot stars 
(Teff >25000 K), gas surrounding is photoionised

 Planetary nebula - former atmosphere of a solar mass star, now a hot 
white dwarf

 Supernova remnant - massive star’s death, bright gaseous nebula



Basic properties of the ISM
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 Confined to the Galactic Plane (much flatter than a compact disc!)

 1% of total visible mass of the Galaxy

 The interstellar medium consists mainly of hydrogen and helium
 Chemical composition of the ISM comparable to the element’s abundance of the Solar System

 Dust: ~1-10% of gas mass (grains: about 1% of the ISM mass)
 grain size: 0.1 - 0.001 mm

 ~ 1 grain/106 m3

 ~ 0.001 M⊙ 
/pc3

 Gas: ~1 atom/cm3

 ~0.01 M⊙ 
/pc3

 Gas atoms/dust grains by number = 1012.

 Temperature range 4 K < T < 106 K
 The temperature is used as a measure for the physical conditions of the interstellar gas. 

The “phases” of the interstellar medium are characterized by the average gas temperature.

 The state of Hydrogen determines the state of the ISM:

 Molecular region → H2

 Neutral region → H I

 Ionized region → H II or H+

 Densities 10-4 cm-3 < n < 107 cm-3

 Far from thermal equilibrium! Remember? Not easy to calculate! 



ISM phases
25



Is ISM a vacuum?
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 Vacuum = mean free path l  larger than the system size L:   l > L

 Laboratory lamp: n=1012 cm-3, l = 1/(n σ), σ= 10-15 cm2 , l = 10 m.
For the lamp size L≈ 1 m, it is vacuum!

 ISM: n=1 cm-3, l =1015 cm=310-4 pc, L=200 pc.
l ≪ L => NOT a vacuum! 

One can apply gas-dynamics laws: 
 The distribution of velocities remains generally Maxwellian and described by a 

kinetic temperature on scales greater than a mean free path.

 There are e.g. shock waves.



Phase transitions
27



Phase transitions
28



Star formation?

 Earlier (lecture 13) we introduced the concept of the Jeans Mass, the mass required for 
gravitational collapse to occur:

𝑀𝐽 =
ℜ

𝜇𝐺

3/2
3

4𝜋

1/2

𝑇3/2𝜌−1/2

 With more convenient for us units it can be written as

𝑀𝐽 = 2.3𝑀⊙

𝑇

10 K

3/2 𝑛

105 cm−3

−1/2

 Given the density and temperature of various stages of the ISM, we can calculate the Jeans 
mass in each phase. We can see why stars form in the molecular (H2) regions, in which MJ is 
of the order of a few tens M⊙. Calculate MJ for other phases of the IMS and you will see that 
in H2 regions it is much less than even in neutral hydrogen gas   (> a few hundred M⊙). 

 Once the Jeans mass has been reached and gravitational collapse sets in, both n and T will 
increase in the cloud. These have competing effects: increasing n will tend to decrease the 
Jeans mass, while increasing T will increase the Jeans mass. 

 If “density wins” and the net effect is a decrease in MJ , the large collapsing cloud will then be 
able to collapse on much smaller scales: the cloud fragments, and the result is multiple 
collapsing objects. If the collapsing object can no longer easily cool, then it has likely become 
a protostar. We discussed it in lecture 13.
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Summary

So, in the ISM we see:

 Dark clouds of dust
 Emission nebulae, star-forming regions
 Globules
 Protoplanetary disks
 Planetary nebulae
 Supernova remnants
 Radiation
 Cosmic rays
 Magnetic fields

In order to understand the physics of interstellar medium we need:

 Radiative transfer
 Atomic and molecular physics (microphysics):

 cooling and heating
 Gasdynamics (macro-physics): 

 motions of ISM gases
 shock fronts
 ionization fronts
 stellar winds
 explosions

30



O P T I C A L  &  U V  A B S O R P T I O N  L I N E S
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Interstellar Absorption Lines



Interstellar Absorption Lines

Optical & UV Absorption Lines:

 Familiar solar optical doublets, e.g., Fraunhofer Ca II K and Na I D provided early 
evidence for a pervasive ISM.

 These are “resonance” transitions with an electron going from the ground state to 
the next energy level (from an s to a p orbital).

 Similar transitions occur across UV and optical wavelengths. Some important 
examples are:
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H I 1216 Å

C IV 1548, 1551 Å

Na I (Na D) 5890, 5896 Å

Mg II 2796, 2803 Å

K I 7665, 7645 Å

Ca II 3934, 3968 Å



Diffuse Interstellar Bands (DIBs)

DIBs are the most mysterious of the UV/Visible absorption components of the ISM. 
Since their discovery by Merrill in 1938, more than 200 DIBs have been identified in 
stellar spectra, with the strongest appearing at λ4430 Å. 
They have not been identified conclusively with any atomic or molecular species (neutral or 
ionized). They are characterized by being extremely broad (by the standards of interstellar 
absorption lines). 

Some ideas are exotic molecular bands, transition from stuff on dust grain surfaces, exotica like 
ionized Fullerenes (3-D aromatic C molecules shaped like geodesic spheres), but none have 
produced consistent predictions of wavelengths.
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A spectrum of 
the distant Black Hole binary 
Swift J1753.5-0127, 
showing a number of DIBs
[from Neustroev et al. 2014]



Observations of IS Absorption Lines

At high spectral resolutions (R=λ/ Δλ ≳104) interstellar absorption lines resolve into 
narrow absorption lines that are Doppler shifted relative to each other.
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Interstellar absorption lines towards 
the halo star HD93521. 
These spectra reveal velocities spanning 
~ 90 km/s and show multiple velocity 
components and effects of line 
saturation in different species.
[From Spitzer & Fitzpatrick 1993]

Our ultimate aim is to deduce from measurements of these absorption lines 
the column densities and velocity dispersions of the absorbing atoms and ions.



Radiative Transfer in IS lines

We have already learned many things in this course which can also be applied to 
studying the ISM:

 We defined the specific intensity 𝐼𝜆, emission (𝑗𝜆 and 𝜀𝜆) and absorption coefficients 
(𝜅𝜆 and 𝛼𝜆), optical depth 𝑑𝜏𝜆 = 𝜅𝜆𝜌𝑑𝑠 = 𝜎𝜆𝑛𝑑𝑠 = 𝛼𝜆𝑑𝑠, the source function 𝑆𝜆 = 𝑗𝜆/𝜅𝜆.

 For the ISM, we can use the parallel-ray equation of radiative transfer: 
𝑑𝐼𝜆

𝑑𝜏𝜆
= −𝐼𝜆 + 𝑆𝜆

 We formally solved it (slides 147-148), assuming that 𝑆𝜆 is constant along the path:

𝐼𝜆 = 𝑆𝜆 1 − 𝑒−𝜏𝜆 + 𝐼𝜆0𝑒−𝜏𝜆

 The more accurate (constant 𝑆𝜆 along the path is a rude assumption), formal solution is
 

𝐼𝜆 𝜏𝜆 = න
0

𝜏𝜆

𝑆𝜆 𝑡𝜆 𝑒−(𝜏𝜆−𝑡𝜆) 𝑑𝑡𝜆 + 𝐼𝜆0𝑒−𝜏𝜆
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Imagine I00 (background source) 

If I0>S, so there is something subtracted 
from the original intensity which is 
proportional to the optical depth – 
we see absorption lines on the continuum 
intensity I.

EXAMPLE: stellar photospheres or 
interstellar absorption lines

Based on slide I.151

36
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𝐼𝜆 = 𝑆𝜆(1 − 𝑒−𝜏𝜆)+𝐼𝜆0𝑒−𝜏𝜆

Opacity  versus     ➔    Intensity versus  

An extreme case: Optically thin case (≪1): 
𝐼𝜆 = 𝐼𝜆0(1 − 𝜏𝜆) + 𝜏𝜆𝑆𝜆 = 𝐼𝜆0 + 𝜏𝜆(𝑆𝜆 − 𝐼𝜆0)



Column Density

 Consider an arbitrary structure of gas – a “cloud” – with number density of atoms and ions 
which is a function of position within the cloud: n(cm-3) = n(x, y, z). 

 A line-of- sight to a background source of light (e.g., a star) will probe a finite distance 
through the cloud for a length L. 

 The column density N is defined as the integral of the number density along the line of sight:

𝑁 = න
0

𝐿

𝑛 𝑙 𝑑𝑙

 The quantity N can be deduced from the strengths and profiles of IS absorption lines.

 If column densities can be measured for different ionization stages of the same ion, 
e.g. Si, Si+, Si++, Si3+ from absorption lines of Si i, Si ii, Si iii, Si iv, 
the ionization conditions of the gas can be inferred. 

 In some physical environments, for example clouds where H is predominantly neutral, the 
ionization structure of the gas can be simple, with most of the atoms/ions of a given element 
being concentrated in a dominant ionization stage. 

 In this circumstances, if absorption lines from different elements are available, the chemical 
composition of the absorber can be investigated.
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The Equivalent Width Curve of Growth

A traditional method of analyzing absorption line data is via the Curve of Growth (Lecture 24).

The precise functional dependence of the equivalent width W on N is sensitive to the optical 
depth at the line core, 𝜏0 and the line profile. This behaviour defines three distinct portions of 
the Curve of Growth:

 The linear part, where 𝜏0<1 and W ∝ N. 
The absorption line is optically thin 
and W is a sensitive measure of N, 
irrespectively of the values of 
the Doppler width D or 
the damping widths /2.

 The flat (logarithmic), or plateau, 
where 10≲𝜏0 ≲ 1000 and W ∝ (ln N)1/2. 
The absorption line is optically thick 
and W is not a good measure of N, 
but is sensitive to the Doppler width D.

 The damping, or square root part, where 
𝜏0≳104 and W ∝ N 1/2. 
In this regime, the optical depth in the damping wings provides an accurate estimate of N.
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IS absorption line profiles
39

 In practice, curve of growth methods are 
quite powerful, as they can relate the 
product N to a direct observable, W, that 
is relatively insensitive to the choice of 
spectral resolution. 

 In principle, two different spectrometers 
working at very different resolutions and 
on different telescopes with different 
detectors should be able to measure the 
same equivalent widths to within the 
irreducible measurement uncertainties. 

 Real interstellar absorption lines are 
often highly structured with a mixture of 
both saturated and unsaturated 
components because the line of sight to a 
particular star will often 
intersect a number of interstellar clouds 
with a wide range of column densities.

These Na D profiles show a mix of linear (δ Cyg), flat 
(ε Per & ε Ori), and square-root (ζ Oph) absorption lines.



21 cm hydrogen line (1)
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 One can study ISM using absorption lines, 
but we need a bright background ”lamp”! 
Which we don’t have for all directions!!

 To map the distribution of interstellar atomic 
gas in any direction we wish to study 
emission lines.

 Most of our knowledge of the distribution of 
neutral atomic hydrogen in the ISM of the 
Milky Way and other galaxies come from 
observations of the strong 21-cm line 
(1420 MHz). 

 This line arises from transitions between the 
hyperfine structure levels in the ground state 
of Hydrogen, and is seen in both emission 
and absorption.

21 cm hydrogen line corresponds to a flip of the 
electron spin relative to the spin of the proton:
Upper state: electron and proton spins are parallel, 
statistical weight gu=3.
Lower state: electron and proton antiparallel, gl=1.



21 cm hydrogen line (2)
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Upper state: electron and proton spins are 
parallel, statistical weight gu=3.

Lower state: electron and proton are 
antiparallel, gl=1.

Alu = transition probability = 2.9 × 10-15 sec-1  
→

Lifetime of upper level = 11 million years!

Thus, for nH ≈ 1 cm-3 collisions dominate - levels 
are populated according to the Boltzman 
equation:

𝑁𝑢

𝑁𝑙
=

𝑔𝑢

𝑔𝑙
𝑒−(𝐸𝑢−𝐸𝑙)/𝑘𝑇 ≈

𝒈𝒖

𝒈𝒍
≈ 𝟑

Since the energy difference between levels is 
very small!! 

Thus, the populations of the levels are 
essentially independent of temperature in the 
ISM.

The transition energy in units of Kelvin is 
0.07 K, which is much lower than in most 
astrophysically interesting conditions.



S O U R C E  O F  I O N I Z A T I O N
I O N I Z A T I O N  A N D  R E C O M B I N A T I O N

S T R Ö M G R E N  S P H E R E S
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ISM: Ionized regions



The non-equilibrium ISM

The ISM is generally not in thermodynamic equilibrium due to its low density and 
consequent low collision rates and low optical depths. Collisions between particles 
may result in radiative decay rather than redistributing internal energies. Photons 
can escape the system, or enter from external sources. Whereas the distribution of 
velocities remains generally Maxwellian, and described by a kinetic temperature on 
scales greater than a mean free path, the distribution of energy levels may be 
significantly different from the Boltzmann distribution. This can be formulated either 
as departure coefficients,

𝑏𝑖 =
𝑛𝑖,𝑎𝑐𝑡𝑢𝑎𝑙

𝑛𝑖,𝐿𝑇𝐸

or, more commonly, by defining an excitation temperature, Tex, such that

𝑛𝑢

𝑛𝑙
=

𝑔𝑢

𝑔𝑙
𝑒−(𝐸𝑢−𝐸𝑙)/𝑘𝑇𝑒𝑥

Note that although Tex has units of K, it is not a physical temperature and may not be 
equal to the kinetic temperature. It is a function of the energy level and 
parameterizes how far the distribution of states is from Boltzmann.
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Radiation field

Interstellar radiation field is characterized by a huge discrepancy between 
the frequency-integrated radiation density and spectral composition.

Compare photons close to and far from an extended source like a star:

It is sometimes convenient to approximate the density of the background starlight 
as a “diluted blackbody” of “dilution factor” W and “color temperature” Tc. 
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Photons here are crowded in 
physical space (high density) 
but spread out in solid angle 
(direction)

Photons here are diffuse in 
physical space (low density) 
but highly collimated in angle 
(high density).



Dilution factor (1)

Compare photons close to and far from an extended source like a star:

The dilution factor W  is defined to be the ratio of the actual energy density u  to the energy 
density of (undiluted) blackbody radiation of temperature Tc.

ω is the solid angle, then 𝑢 =
𝜔

4𝜋
𝑢∗ = 𝑢∗𝑊, where W is the dilution factor.

𝑊 =
𝜔

4𝜋
=

1

4𝜋
න

0

2𝜋

dφ න

0

𝜃∗

sin θ dθ =
1

2
1 − cosθ∗ =

1

2
1 − 1 −

𝑟∗
2

𝑟2
≈

1

2

𝑟∗
2

𝑟2
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𝑟 ≫ 𝑟∗

u*

u

𝑟∗

𝑟
𝜔

𝜃∗



Dilution factor (2)

The dilution factor 𝑊 ≈
1

2

𝑟∗
2

𝑟2

Planetary Nebula?   𝑟∗ ≈ 109 cm,  𝑟 ≈ 1016 cm    →     W~10-14

Slide I.156: the energy contained in volume element per wavelength interval is 𝑢∗,𝜆 =
4𝜋

𝑐
𝐽𝜆

𝑒𝑟𝑔

𝑐𝑚3Å

Assume Blackbody, then 𝑢∗,𝜆 =
4𝜋

𝑐
𝐵𝜆 𝑇∗ , where 𝑇∗ = 𝑇eff of a star. 

The integrated radiation density 𝑢∗ = 𝑎𝑇∗
4 for the star and 𝑢 = 0׬

∞
𝑢𝜆 𝑑𝜆 = 𝑎𝑇𝑑

4far from the star.

Then  𝑇𝑑
4 = 𝑊𝑇∗

4, or

𝑇𝑑 = 𝑊1/4 𝑇∗

Td  is the temperature corresponded to the integrated energy density of diluted blackbody 
radiation of temperature T*.  For W~10-14, Td=a few K.

But a spectrum corresponds to TC=T* !  The ISM must work as a transformer, decreasing TC.

Indeed, Rosseland’s theorem dictates that 
in low-density regions, short-wavelength radiation is transformed into long-wavelength radiation. 
This immediately explains a PNe observable, that the nebula emits much more energy in the optical than does 
the central star. This is because UV radiation is being processed into optical photons.
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The non-equilibrium ISM (2)

The interstellar radiation field is very dilute but populated by discrete energetic 
sources (e.g. OB stars) and can contain multiple spectral features from the gas. 
It is therefore generally very different from the Planck function which we can 
parameterize in terms of a brightness temperature.

Despite these complications, we can still look for a statistical equilibrium solution to 
the distribution of energy levels,

𝑑𝑛𝑖

𝑑𝑡
= ෍

𝑗≠𝑖

𝑁

𝑛𝑗𝑃𝑗𝑖 − 𝑛𝑖 ෍

𝑗≠𝑖

𝑁

𝑃𝑖𝑗 = ෍

𝑗≠𝑖

𝑁

𝑛𝑗(𝑅𝑗𝑖 + 𝐶𝑗𝑖) − 𝑛𝑖 ෍

𝑗≠𝑖

𝑁

(𝑅𝑖𝑗 + 𝐶𝑖𝑗) = 0

where Pji is the (radiative Rji plus collisional Cji) rate from level j to i. This matching of 
forward and reverse rates is also known as the principle of detailed balance. 

Remember? See lecture 25.
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Source of ionization?

H II regions are zones of ionized atomic hydrogen. They are often associated with 
nebulae, and require gas that contains a continuous source of ionizing radiation.

Ionization potential of hydrogen hν0 = 13.6 eV

(ν0=3.29  1015 Hz,  λ0=912Å)

 
Thus, for ionization we need hν > 13.6 eV 
(it is >> kT in neutral ISM => collisions unimportant)

This could be a massive star or a white dwarf, but either way it must be very hot. 

Are OB stars hot enough? 

T≈3-5104 K   =>  E=kT≈3-5 eV  <  13.6 eV     =>   cannot ionize H…?

𝐵𝜆 𝑇 =
2ℎ𝑐2

𝜆5

1

𝑒
ℎ𝑐

𝜆𝑘𝑇−1

      =>   can ionize H!

Yes, the OB stars are hot enough.
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H II regions

Without that hot central source, the protons and electrons in the ISM will quickly 
recombine – even with the ionizing source, it can only ionize a region of some given 
volume before recombinations will be happening as quickly as ionizations. 
The result will be a bubble of ionized gas, termed a Strömgren Sphere. 
Such H II regions are easily observable via the strong emission lines resulting from 
recombination. Thus, to add further to the nomenclature, they are also sometimes 
known as emission-line nebulae (remember the spectrum of the Cat's Eye Nebula?)

Our goal now is to understand the size of the ionized bubble and its detailed 
ionization structure. In this effort, we define the ionization fraction

𝑓 ≡
𝑛𝐻+(𝑟)

𝑛𝐻(𝑟)

For a fully neutral, atomic ISM f = 0, while full ionization implies f = 1. 
As hinted at in the preceding argument, to maintain a constant f  we will want to 
make use of ionization equilibrium, where

                                   # of recombinations / sec = # of ionizations / sec
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Ionization and Recombination

• Consider pure hydrogen gas

• Reaction: H+ hν p + e

• Ionization produces an electron of energy Ekin,e = hν− χion

     where χion is the ionization potential (one can assume all atoms to be in the

    ground state)

• Recombination to level i gives a photon

                                     hν = Ekin,e + χion / i2 ≈ χ1 (1/i2+0.07 Te/104 K)

   where χion ≈ kTe is kinetic energy of electron, i – is the main quantum number, 
   plus a cascade of line (Balmer+Lyman etc.) photons.

   Photons recombining to the 1st level can still ionize hydrogen.

• Equilibrium: # of recombinations = # of ionizations

51



Energy redistribution and temperature

 We have e, p, and neutral H.

 Why should we assume that all of them are described by the same temperature 
                                                          Te= Tp= TH?

 Why should they have Maxwellian distribution?

 The distribution of injected electrons depends on incident photon spectrum.

 Electrons thermalize rapidly by collisions.

 Electrons and protons exchange energy much slower 
(since the masses are very different).

 Protons and neutrals exchange energy even slower τee « τep « τpH but still  « τdyn    

      ⇒

 Electrons lose energy in inelastic collisions (by radiation). Energy is taken from 
the gas energy as a whole. We associate gas temperature with Te.
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HII regions: recombination (case A)

 Recombination rate proportional to nenp. Depends on Te, since the recombination 
probability and the flux of electrons both depend on Te

 e- can be captured in any level

 Recombination rate to level i is

 
                                                 Nrec,I = nenp αi,rec (Te) cm-3 s-1

        where αi,rec is the recombination coefficient.

 Total “case A” recombination coefficient 

𝛼𝐴 = ෍

𝑛=2

∞

෍

𝑙=0

𝑛−1

𝛼𝑛𝑙 𝑇 ≈ 4.2 × 10−13 𝑇𝑒/104 3/4 cm3s−1

 Thus, 

                                                    Nrec = n2
 αA (Te) cm-3 s-1

However
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HII regions: recombination (case B)

 Photon produced by recombination to level 1 still can ionize gas. These photons 
produce “diffuse” radiation field. Assuming that these photons are absorbed 
nearby (”on-the-spot” approximation), one can just neglect these recombinations 
in the total recombination rate:

                                               Nrec =Σi=2 Nrec,i = ne
2 αB (Te) cm-3 s-1

      where “case B” recombination coefficient

𝛼𝐵 = 𝛼𝐴 − 𝛼1

                                       αB (Te) ≈ 2.6  10-13 (Te / 104 K)-¾ cm3 s-1
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Steady State in HII Regions

H+ + e-
→ H+ hν 

H+ hν  → H+ + e-

Case A recombination: gas optically thin to radiation produced after recombination

Case B recombination: gas optically thick to radiation just above 13.6 eV;

                                            photons produced in recombination are absorbed for
                                            photoionization of another atom
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Photoionization/ Recombination

 Transitions down are fast : A ~ 108 s-1

All atoms are on ground state (absorption in Balmer lines is negligible).

 Total ionization rate at distance r from the star is:

                                        Nion= nH Γi ≈ nH σ0 N*/ (4πr2) cm-3 s-1

      where N* is the number of stellar ionizing photons (with hν >13.6 eV) per second,

      σ0=6.3  10-18 cm2 is the ionization cross-section at ν=νi,

      and Γi is the number of ionizations per atom per second from level i

Γ𝑖 = න

𝜈𝑖

∞
𝐹𝜈

ℎ𝜈
𝜎𝑖 𝜈 𝑑𝜈,  where 𝐹𝜈 = 𝐿𝜈/4𝜋𝑟2

      σi is the ionization cross-section: σi=6.3  10-18 (νi / ν)3.5 cm2 
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HII regions: ionization

 Let introduce ne=x n  
                           n = np+ nH = ne+ nH    

 Then   nH =(1-x) n

                  Nrec= Nion   ⇒   x2 n2 α´rec (Te) = (1-x) n σ0 N*/ (4πr2) 

 For O6.5 star: N* =1049 s-1,  r = 1 pc,  n=102 cm-3,  Te=104 K,

      we get (1-x) = 3  10-5 , i.e. x~1 and hydrogen is almost fully ionized.
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Strömgren Spheres

 Two components to local ionizing flux near a star:
 direct ionizing flux

 diffuse flux from recombinations to ground state

 

 Calculate radius of ionized sphere in uniform density:
balance total number of ionizations (=number of ionizing photons the star 
produces) to the total number of recombinations to levels above ground α(2)=α´

4𝜋

3
𝑟𝑆

3𝑥2𝑛2𝛼𝐵 = 𝑁∗  ⟹  𝒓𝑺 =
𝟑𝑵∗

𝟒𝝅𝒏𝟐𝜶𝑩

𝟏/𝟑

 Strömgren radius for an O star:   rS=70 pc n-⅔ ; n=102 cm-3, rS ~ 3 pc

                              → OB stars have an enormous impact on the ISM
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Edges of HII regions

 nH ↑, absorption ↑, ionizing photon flux ↓,  nH ↑

 The optical depth τ = ∫ n σ dl  for ionization is huge.

 At Lyman edge, σ = 6.3 x 10-18 cm2, so if n = 1 cm-3, 
the mean free path Δr (where τ=1) is

      Δr = τ / n σ = 1.5  1017 cm / n = 0.05 pc / n

     

                                                     Δr / rS= 10-3 n-⅓ « 1

 Observed H II regions limited:
 ionization bounded: all photons are used up for ionization,

interstellar cloud has a larger extent than the nebula

 density bounded: all atoms ionized, there are still photons left

 Ionization bounded H II regions have sharp edges
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Edges of HII regions
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