
W H A T  I S  A  S T E L L A R  A T M O S P H E R E ?

W H Y  S H O U L D  W E  C A R E  A B O U T  I T ?

W H A T  C A N  W E  L E A R N  F R O M  O B S E R V A T I O N S ?

Stellar atmospheres
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What is a stellar 
photosphere?

• Thin, tenuous transition zone between 
(invisible) stellar interior and (essentially 
vacuum) exterior.

• The “photosphere” is the visible disc, whilst 
the “atmosphere” also includes coronae and 
winds.

• In contrast with the interior, where 
convection may dominate, the energy 
transport mechanism of the atmosphere is 
radiation.

• Stellar atmospheres are primarily 
characterized by two parameters: (Teff, log g).



What is a stellar 
photosphere?

Thin zone between stellar interior and exterior: 
Rsun=a few107 cm, Matm~21021 g=~10-12 M





Stellar atmospheres: why should we 
care?

The optical depth =1

about 2/3 of the light 
is absorbed



Stellar atmospheres?
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 Stellar interiors are effectively invisible to external observers (apart for e.g.
astroseismology) so all the information we receive from stars originates from 
their atmospheres. In particular, spectral lines also originate in a stellar 
atmosphere. Understanding how radiation interacts with matter affecting the 
emergent line and continuous spectrum is at the heart of this course.

 Knowledge of plasma physics (e.g. line broadening), atomic physics 
(microscopic interaction between light and matter), radiative transfer 
(macroscopic interaction between light and matter), thermodynamics (LTE 
vs non-LTE), hydrodynamics (velocity fields) yields stellar properties, 
chemical composition, outflow properties.

 Inputs for stellar/galactic evolution and structure.



Recap: what can we learn from observations?
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What can we learn from observations?
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Temperature



What can we learn from observations?
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Surface gravity and stellar abundances also come  from  spectra:



Spectral Lines

Impact of Spectral Resolution
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Primary star parameters (Teff, log g)

 Primary star parameters are effective temperature Teff and surface 
gravity log g, + chemical composition (metallicity):

 Effective temperature (in K) is defined by L=4pR2Teff
4

(here L - luminosity, R - stellar radius),  related to ionization.

 Surface gravity (cm/s2), g = GM/R2, related to pressure.

 The Sun has Teff=5777K, log g=4.44 – its atmosphere is only a few 
hundred km deep, <0.1% of the stellar radius.

 A red giant has log g~1 (extended atmosphere), whilst a white dwarf 
has log g~8 (effectively zero atmosphere), and neutron stars have 
log g~14-15
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Morgan-Keenan (M-K) classification scheme 
orders stars via “OBAFGKM” spectral 
classes using ratios of line strength. 

Only Bad Astronomers Forget Generally 
Known Mnemonics

Oh, Be A Fine Girl/Guy, Kiss Me

O-types have the bluest B-V & highest Teff’s. 
OBA stars are early-type star, whilst cooler 
stars are late-type.

Spectral classes are each subdivided into (up 
to) ten divisions – e.g. O2 .. O9, B0, B1 .. B9, 
A0, A1 .. etc

Spectral Types
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Luminosity Class classification

 Luminosity class information is often added, based upon spectral line 
widths:

 Dwarfs have high pressures (large line widths) and supergiants have 
lower pressures (smaller line widths).

14



Luminosity Classes and Luminosity

 Line pairs for spectral classification: 
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Continuous Energy Distribution
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Stars share some properties of black-bodies



Stefan – Boltzmann Law

Blackbody radiation is continuous and isotropic whose 
intensity varies only with wavelength and temperature.

Following empirical (Josef Stefan in 1879) and theoretical 
(Ludwig Boltzmann in 1884) studies of black bodies, there is 
a well-known relation between Flux and Temperature known 
as Stefan-Boltzmann law: 

F=T4

with =5.6705x10-5 erg/cm2/s/K4 

(Note that Bohm-Vitense refers to “astronomical flux”, H=F/p, as “flux”).
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Planck formula

The black body intensity is defined (following discovery by Max Planck in 
1900) as either

or

where c=2.99x1010 cm, h=6.57x20-27 erg s, k=1.38x10-16 erg/s. 

𝐵𝜆(𝑇) =
2ℎ𝑐2

𝜆5

1

𝑒ℎ𝑐/𝜆𝑘𝑇 − 1
𝐵𝜈(𝑇) =

2ℎ𝜈3

𝑐2

1

𝑒ℎ𝜈/𝑘𝑇 − 1
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See next slide



From lectures 6 and 7:
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Radiation flux = netto energy going through area
Decomposition into two half-spaces:

𝐹 = 2𝜋 න
0

1

𝐼(𝜇) 𝜇 d𝜇 − 2𝜋 න
0

1

𝐼 −𝜇 𝜇 d𝜇 = 𝑭+ − 𝑭−

=cos 

Netto = Outwards - Inwards Special cases: at the surface of a star F − = 0, 
so that F = F + 

𝑆𝜆 = 𝐼𝜆 = 𝐵𝜆 ⟹ 𝐹𝜆 = 𝜋𝐵𝜆 and 𝐹𝜈 = 𝜋𝐵𝜈

in TE, the source 
function equals 
the Planck function



Properties of the Planck law

 For increasing temperatures, 
the black body intensity 
increases for all wavelengths.
The maximum in the energy 
distribution shifts to shorter 
 (longer ) for higher 
temperatures.

 max T  = 2.98978 x107 Å K 

is Wien’s displacement law 
for the maximum I providing 
an estimate of the peak 
emission (max =5175 Å for 
the Sun).
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Rayleigh-Jeans and Wien approximations
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Color and brightness temperatures
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Are stars black bodies?
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Not really

(e.g. UV-optical spectrophotometry of Vega)



Stars do differ from black bodies

The observed flux 
distributions of real stars 
deviate from black body 
curves, as indicated here 
for the UBV colors of 
dwarfs and supergiants. 
This difference is due to 
sources of continuous 
and line opacity in the 
stellar photospheres and 
will be discussed later in 
this course.
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Stars do differ from black bodies
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Vega
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 We defined the specific intensity 𝐼𝜆, emission (𝑗𝜆 and 𝜀𝜆) and absorption 
coefficients (𝜅𝜆 and 𝛼𝜆), optical depth 𝑑𝜏𝜆, the source function 𝑆𝜆.

 We also defined other radiation terms: the mean intensity 𝐽𝜆 and the energy 
density, radiative flux 𝐹𝜆 and luminosity L, K-integral and the radiation pressure.

 We have derived the (parallel-ray) equation of radiative transfer (RTE):

𝑑𝐼𝜆/𝑑𝜏𝜆 = −𝐼𝜆 + 𝑆𝜆

 We then found its formal solution and discussed absorption and emission line 
spectra.

 In TE (thermodynamic equilibrium), the source function equals the Planck 
function, 𝑆𝜆 = 𝐵𝜆.

 The law of Kirchhoff: 𝐵𝜆 = 𝑗𝜆/𝜅𝜆 = 𝜀𝜆/𝛼𝜆

 We have derived the RTE in plane-parallel atmosphere:

cos 𝜃
𝑑𝐼𝜆

𝑑𝜏𝜆
= 𝐼𝜆 − 𝑆𝜆

Things we have already learned about the 
radiative transfer


